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"She drank from a bottle called DRINK ME
And she grew so tall,

She ate from a plate called TASTE ME
And down she shrank so small.

And so she changed, while other folks

"

Never tried nothin’ at all.

S. Silverstein



EACH NIGHT, TLL BET THEYD|
LNE A LOT DIFFERENTLY

Calvin and Hobbes, Bill Watterson.



Abstract

Observations of the Universe’s earliest quasars, less than 1 Gyr after the Big Bang, open the
door to many questions. They are found to host supermassive black holes (SMBHs) with
Mgy = 10° = 1010 M, (Fan et al., 2001, 2004; [Mortlock et al., 2011}, and BH formation
models need to explain their existence and evolution in such a short time.

In the first part of this original work, we introduce the cosmological, semi-analytic
code GAMETE/SuperQSOpbusT, which reconstructs several hierarchical merger histories
of high-z bright quasars, following the time evolution of central BHs together with the mass
of stars, gas, metals and dust. With this tool, we have studied the relative importance of
different accretion regimes for the formation of the first quasars, with particular attention to
accretion events occurring over the classical luminosity threshold - the so-called Eddington
limit. We find that ~ 80 % of the final SMBH mass is grown by super-Eddington accretion,
which can be sustained down to z ~ 10 in dense, gas-rich environments, and the average
BH mass at z ~ 20 is Mgy ~ 10* Mg, comparable to that of direct collapse BHs.

However, stellar feedback from BH seed progenitors and winds from BH accretion
disks may decrease BH accretion rates. Therefore, we studied the impact of these physical
processes on the formation of z ~ 6 quasars, including new physical prescriptions in the
model. We find that the feedback produced by the first stellar progenitors on the surround-
ing environment does not play a relevant role in preventing the SMBH formation. In order
to grow the z ~ 6 SMBHs, the accreted gas must efficiently lose angular momentum. More-
over, disk winds, easily originated in the super-Eddington accretion regime, can strongly
reduce duty cycles, producing a decrease in the active fraction among the progenitors of
z ~ 6 bright quasars and thus reducing the probability to detect them.

From an observational point of view, no convincing candidates of faint progenitors of

luminous high-z quasars have been selected in X-ray surveys (Ireister et al., [2013; Weigel
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et al.l 2015} Cappelluti et al., 2016). In order to interpret this lack of detections, we have
modelled the spectral energy distribution of accreting BHs. This modelling has been ap-
plied to a sample of simulated z ~ 6 SMBH progenitors, also taking into account the photon
trapping effect which plays an important role at high accretion rates. The results show that
faint progenitors are still luminous enough to be detected with current X-ray surveys. Even
accounting for a maximum obscuration effect, the number of detectable BHs is reduced at
most by a factor of 2. In our simulated sample, observations of faint BHs are mainly limited
by their very low active fraction (f,., ~ 1 per cent), which is the result of short, supercriti-
cal growth episodes. We suggest that to detect high-z SMBH ancestors, large area surveys
with shallower sensitivities, such as COSMOS Legacy and XMM-LSS+XXL., should be
preferred with respect to deep surveys probing smaller fields, such as Chandra Deep Field
South.

An alternative way of constraining the early growth of BHs is to compare theoretical
models with observations of massive BHs (Mg ~ 10° My) in local dwarf galaxies. To
this aim, in the last part of this work, we introduced GAMESH, a simulation following
the formation of a Milky Way-like halo in a well resolved cosmic volume of (4 cMpc)?.
This model allows to follow the star formation and chemical enrichment histories of all the
galaxies in the simulation box. In the near future, we plan to extend the model including a
self-consistent evolution of BHs and their feedback onto the host galaxies. This will allow
us to compare results obtained by different BH seeding and accretion models with obser-
vations of BH masses hosted by the Milky Way and dwarf galaxies. Here, we present a
preliminary study, where we have post-processed the simulation output to analyse the mass
and redshift distribution of BH seeds formed as remnants of Pop III stars, and the BH occu-
pation fraction at z = 0. Our preliminary results have been obtained under the assumption
that gas accretion gives a negligible contribution to BH mass growth and, hence, provide
a lower limit to the mass of nuclear BHs found at z = 0. We compare our results with re-
cent studies carried out by means of cosmological hydrodynamical simulations (Marinacci
et al.[|2014; Bonoli et al.[2016), and - given the quiescent history experienced by the Milky
Way-like halo - we conclude that either (i) light BH remnants of Pop III stars are able to
rapidly grow their masses soon after their formation, or (i) that the Milky Way nuclear BH

originates from more massive BH seeds, with masses comparable to the ones that charac-
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terize direct collapse BHs. In our future study, we will be able to analyse each of these two
possibilities using the detailed treatment of chemical and radiative feedback effects allowed
by GAMESH.

This thesis is divided into four main parts. In the first part, we introduce some basic
theoretical tools for understanding the most important features of the formation of galax-
ies and black holes: in Chapter [T} we present the ACDM Cosmological Model and some
fundamental properties of our Universe, including Large Scale Structures and galaxy for-
mation, and in Chapter [2| we briefly describe the main characteristics of black holes and
gas accretion disks orbiting around these compact objects. The second part of this work
is dedicated to the high-z BHs: Chapter [3]is an extract from the review Valiante R., Agar-
wal B., Habouzit M., Pezzulli E., 2017, PASA 34, 31. In Chapter[z_f] we discuss the results
obtained in the manuscript Pezzulli E., Valiante R., Schneider R., 2016, MNRAS, 458,
3047, and we also introduce the cosmological, semi-analytic model used for the study on
the occurrence of different accretion regimes for the formation of high-z QSOs. In Chapter
[5|we discuss on the sustainability of super-Eddington accretion in a cosmological context,
including some prescriptions for the two negative feedback mechanisms introduced above.
The results have been published in Pezzulli E., Volonteri M., Schneider R., Valiante R.,
2017, MNRAS, 471, 589. Possible solutions for the current lack of faint, high-z AGNs
observations are reported in Chapter [0 as investigated in Pezzulli E., Valiante R., Orofino
M.C., Schneider R., Gallerani S., Sbarrato T., 2017, MNRAS, 466, 2131.

In the third part of the thesis, we turn our attention to the Local Universe and to the
constraints that can be put on the evolution of nuclear BHs and their hosts from observations
of the Milky Way and local dwarf galaxies. In Chapter [7] we present the results of our
preliminary study on the mass and redshift distribution of BH seeds and their impact on the

z = 0 BH occupation fraction. Finally, in Part[TV] we summarize our main conclusions.
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Part 1

Introduction



Chapter 1

The Universe

1.1 The Cosmological Model

The pillar of the Standard Hot Big Bang Cosmology is the Cosmological Principle, which
states that the Universe is homogeneous and isotropic on large scales. This is confirmed by
a growing number of observations, such as the distribution of galaxies around us, shown in
Fig. [I.1)(Colless et al.,[2001), and the cosmic microwave background (CMB) radiation (see
Section[I.3), an image of the Universe only 380000 years after the Big Bang. These photons
are coming from different parts of the sky, with a mean temperature of < 7T >= 2.725 K
and a relative temperature differences of a part on 10°.

Another fundamental property of the Standard Model is that the Universe is also ex-
panding. It was discovered by Edwin Hubble in 1929, when he noticed that all galaxies are
receding from us. Hubble measured the so-called redshift z from galaxy spectra, defined
by the ratio

Aobs — Aem

7= —, (1.n
/lem

where A, is the wavelength emitted by a galaxy and A,ps is that measured by the
observer. In particular Hubble found a correlation between redshifts z (and so, the velocity
of recession v) and distances D of the galaxies, that for low values of redshifts takes the

form of the Hubble law

v =cz=HyD, (1.2)
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N

2dF Galaxy Redshift Survey ©

Figure 1.1. The distribution of galaxies in the complete 2dF Galaxy Redshift Survey. In the radial
direction is plotted the redshift and the polar angle is the right ascension. Credit: Matthew
Colless.

where c is the speed of light and Hy is the Hubble constant, better described in Section
2.1

Fig. [I.2]represents the original Hubble diagram that shows that the velocity of galaxies
increases with distance. This is a proof that the whole Universe is expanding and that the
wavelengths of photons emitted by a distant source are redshifted.

The past cosmic expansion history is recovered by solving the Einstein equations (see
Section[I.2)) in the background of the homogeneous and isotropic universe. However, ob-
servations of inhomogeneities in the density distribution of matter, such as clusters, galaxies
and - on smaller scales - stars and planets, force us to explain how these grow out from an
homogeneous background. This is done in the so-called standard scenario, which describes
how small perturbations in the density field grow through gravitational instability, becom-
ing non linear and then collapsing. In order to understand the nature and evolution of these
density perturbations it is usual to proceed in the following way: first studying the over-
all dynamics by treating the universe as homogeneous and isotropic. The inhomogeneities

observed are then considered as deviations from the smooth universe.

1.2 The Friedmann Model

Given the Cosmological Principle, it is necessary to construct a model of the Universe in

which this principle holds. Since the predominant force on large scale is gravity, the model
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should be based on Einstein’s General Relativity (GR). In particular, GR is a geometrical
theory, therefore we must first investigate the geometrical properties of homogeneous and
isotropic spaces.

The geometrical properties of space-time are described by the metric tensor g.p, a

tensor such that in the equation

ds* = gap(x)dx"dxP, (1.3)

ds represents the space-time interval between two points x” and x¥ + dx”.

The metric tensor determines all the geometrical properties of space-time described by
the system of coordinates {x"}.

Let’s suppose that we can describe the Universe as a continuous fluid and assign to each
fluid element the three spatial coordinates x', called comoving coordinates. One can show
that the most general space-time metric describing a universe in which the Cosmological

Principle is satisfied is the Friedmann-Lemaitre—Robertson—Walker (FLRW) metric:

ds* = di* — a*(1) _dr + r2(d6? + sin*0d¢?)|, (1.4)

1-Kr?
where we have used spherical polar coordinates (r, 8, ¢) which are the comoving co-
ordinates (r is by convention dimensionless); t is the proper time; a(¢) is a function to be
determined which has the dimensions of a length and is called the cosmic scale factor or
the expansion parameter, and assumes the value 1 at the present time fy; the curvature
parameter K is a constant which can be scaled in such a way that it takes only the values

0, £1. The cosmic scale factor is simply linked to the redshift by the relation

a(t)

1+ (1.5

The geometrical properties of Euclidean space (K = 0) are well known. On the other
hand, the properties of the hypersphere (K = 1) are complex. This space is closed, i.e. it
has finite volume, but has no boundaries. The properties of a space of constant negative
curvature (K = —1) are closer to those of Euclidean space: the hyperbolic space is open,
i.e. infinite.

In cases with K # 0, the parameter a, which appears in Equation [I.4] is related to

the curvature of space. In fact, the Gaussian curvature, Cg, is given by Cg = K/d?;
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Figure 1.2. The original Hubble diagram (Hubble, 1929). Velocities of distant galaxies (units
should be km s™!) are plotted vs distance (units should be pc). Solid (dashed) line is the best
fit to the filled (open) points which are corrected (uncorrected) for the Sun’s motion (Hubble,

1929).

as expected it is positive (negative) for the closed (open) space. The Gaussian curvature
radius Rg = C&l/ 2 = a/VK is, respectively, positive or imaginary in these two cases. In
cosmology one uses the term radius of curvature to describe the modulus of Rg; with this
convention a always represents the radius of spatial curvature. Of course, in a flat universe

the parameter a does not have any geometrical significance.

1.2.1 Friedmann equations

To relate the geometry of space-time, expressed by the metric tensor gqp, to the energy-
matter content of the universe, expressed by the stress-energy tensor 7,3, we make use of
the Einstein Field Equations (EFE), a tensorial, dynamical equation which described how

matter and energy change the geometry of the spacetime:

8nG

G#V = C—4TIJV, (16)

where G, = Ry, — %gva is the Einstein tensor, while R, and R are the Ricci tensor
and Ricci scalar, respectively.
Since we consider the Universe as a perfect fluid, the stress-energy tensor assumes the

form:

T,uv =(p +p)”y”v — P8uvs (1.7)



where p is the pressure, p is the energy-density, and u,, is the fluid four-velocity, defined

by:

d+?

I5 (1.8)

Uy = gaﬁuﬁ = 8ap

x*(s) is the world line of a fluid element, i.e. the trajectory in space-time followed by
the particle.

Under the assumption of the FLRW metric, the EFE yield

a 4dnG

for the time-time component, and

ai +2d° + 2Kc* = 4nG (p — p) d°, (1.10)

for the space-space components. The space-time components give 0 = 0.
Putting Equations|1.9]and [I.10]|together, we obtain

2\ 2 2

a Kc 8nG

ay e ot 111
( ) a? 3 P (1.11)
Equations [I.9] and [I.TT] represent the fundamental equations of the Standard Model.

a

Their solution allows to determine the time evolution of the scale factor, a(¢), that defines
the evolutionary history of the Universe.

Taking into account the cosmological constant A in Equation[I.6 we find the Friedmann

equations

N2

a , 8rm K A

=) =H* = —p-—=+—, 1.12

(3) 307273 (112)

and

a 4 A
2o Zp+3p)+ (1.13)
a 3 3

Historically the cosmological constant A was introduced by Einstein for the purpose of
obtaining a static solution for the expansion equations, i.e. @ = 0, but after the expansion
of the Universe was discovered, he discarded it. Moreover the physical interpretation of

such constant was not clear. Now the cosmological constant has been introduced again as



an homogeneous energy density that causes the expansion of the Universe to accelerate and

thus is part of the Standard Cosmological Model.

We rewrite the Equation introducing the density parameter Qo; = £, where the

critical density is defined as

3H?
P0,c = ﬁ ~ 5% 10_30gcm_3, (1.14)

and obtain

.2 3 4
(‘_’) :Hg[gz()m(@) +QO,(£) T+ Qo (1.15)
a a ao

Equation shows that matter scales with the expansion of the Universe as o« a3,
radiation as o« a~* while the density of the cosmological constant Q4 remains constant
during cosmic evolution. It can be easily noticed that a positive cosmological constant
tends to accelerate the Universe. The evidence for an accelerating expansion comes from
observations of the brightness of type I a Supernovae (SNe), as reported in [Riess et al.
(1998)). For this discovery Saul Perlmutter, Brian P. Schmidt and Adam G. Riess have been
awarded the 2011 Nobel Prize in physics.

Standard Hot Big Bang Cosmology allows plenty of space for variations in its details,
such as the current geometry of the Universe or its final fate, in form of free parameters
called cosmological parameters, whose differences lead to different cosmological scenar-
ios. The CMB, which carries a lot of information about the properties of our Universe,
allows to measure most of the fundamental parameters of cosmology. The Planck Satellite,
launched by European Space Agency (ESA) on 14 May 2009, provided a map of the CMB
field at high angular resolution, covering at least 95 % of the sky. This allowed the high
precision measurements of the cosmological parameters shown in Table [I.1] reported by
Planck Collaboration et al.|(2014) and adopted in this work. From Planck results we infer
that at present time the Universe is dynamically dominated by the cosmological constant
(70% ), while the matter, mainly in the form of Dark Matter (DM), represents most of the

remaining 30%.



Table 1.1. Cosmological parameters adopted in this work (Planck Collaboration et al.l 2014)).

Qom | Qoa | Ho
0.314 | 0.686 | 674

1.3 From the Big Bang to the first structures

The model of Universe made by matter, radiation and cosmological constant described in
previous Sections, predicts a point in which a vanishes and the density diverges. This is the
Big Bang singularity, happened ~ 13.7 Gyr ago.

Despite some criticisms, the most popular theory of what happened 1073 — 1073? s
after the Big Bang is called inflation, the exponential expansion of space the Universe ex-
perienced for a very short period (1 ~ 10733 s) after the singularity. The occurrence of this
epoch helps to explain several properties of our Universe. For instance, the present-day
large-scale structure can be explained as the final product of the growth, produced by grav-
itational attraction, of small quantum fluctuations in the microscopic inflationary regions
(see Section[I.3.1), and inflation can also explain the geometrical flatness of the Universe,
its isotropy and homogeneity (see Linde|[1982|for a complete discussion on Inflation).

From a dynamical point of view, the Universe has experienced different cosmic epochs,
depending on the components dominating its dynamics during the cosmic expansion.

As shown in Fig. [[.3] for t — 0, a(r) — 0 and the component that dominated the first

cosmic time was radiation, since:

Q Q
O 5 20m L Q.
a(*  a@)?

During this cosmic epoch, the evolution of the scale parameter is a(f) o V.
When
QOr _ QOm 1 QOr

= - at)) = —= —,
a* a3 ® l+z Qo

(1.16)

we find the equivalence epoch between radiation and matter, that for the values of the
cosmological parameters Qp, and Q,, found by the recent Planck satellite (Table [I.1)),

corresponds to a redshift z,, ~ 3570.
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Figure 1.3. Density behaviour of radiation (blue) matter (red) and cosmological constant (green)
versus the time since Big Bang. The shaded regions represent the different cosmic epochs

(reproduced from The Early Universe, Jim Brau).

The subsequent epoch was matter dominated, when the Universe expanded with a
scale factor a(r) o 12/3.
Finally, after the equivalence between matter and the cosmological constant, it began

the A-dominated epoch, during which the dynamics followed an exponential expansion

a(t) = e VOnHo(t—10)

Another way to study the evolution of the Universe is through its thermal history, start-
ing from the hot dense state emerging from the Big Bang and following its progressive
expansion and cooling till the formation of atoms, molecules and, finally, bound structures.
Given the impossibility of thermal exchanges with the outside, the cooling process of the

Universe can be considered adiabatic, thus:

T o a()™". (1.17)

which means that as the Universe expands, it cools.
To characterize the thermal history of the Universe, we can identify few fundamental

phases, briefly described in Figure [T.4]


http://pages.uoregon.edu/jimbrau/astr123/Notes/Chapter27.html

T~10° GEV, t =ty

In order to describe this phase,
equations of General Relativity
must be modified to take into
account the effects of guantum
gravity.

No Quantum Gravity theary.
> Consider the Universe to begin

A=t

Recombination
T~10eV, t™~ 10°yr

At T =1 eV photons had enough
energy to keep matter ionized
due to Thomson scattering and,
as a consequence, the Universe
was opaque. Atz ™ 1100, when
the temperature had lowered
enough, free electrons
recombined with proton to form
neutral Hydrogen atoms.

= The dense fog of free electrons
that made the Universe opaque
was depleted and the Universe
became transparent to relic
radiation. We now observe such
radiation as the CMB.

Baryogenesis
10V < T < 102 GeV

A universe initially filled with an
equal amount of matter and anti-
matter would lead, due to the
annihilations, to a Universe
dominated by radiation. Current
observations show an
overabundance of matter.

-> During this thermal phase,
called baryogenesis, a physical
process of symmetry breaking
(matter = antimatter) has
\occurred.

]

§ Big Bang Nucleosynthesis
T~1MeV, t™3 min
It began when the expansion rate
of the Universe became lower
than the reaction rates which
maintains thermal equilibrium.
Occurred when the Universe had
cooled sufficiently to allow *H
nuclei te survive disruption by
high-energy photons.
> Produced basically H, He, Li
and Be.

11

b
Electroweak transition

During this phase the W and
Z gauge bosons acquire masses
through the Higgs.

= The elementary particles take
on the characteristics that we
know today.

Quark-hadron transitio n’
T~1GeV,t~1ps
Old guarks and gluons within the
plasma started to form bound
states.

= Formation of the first
nucleons.

Figure 1.4. A schematic representation of the six fundamental phases experienced by the Universe

after the Big Bang. The time evolution can be followed with the direction of red arrows.

Shortly after Recombination, photons decoupled from matter in the Universe (photon

decoupling). After that, they travelled freely through the Universe without interacting with

matter, and this constitutes our current observation in the form of the Cosmic Microwave

Background (CMB) radiation.

1.3.1 Linear growth

In the context of the Friedmann model we assumed the Universe to be homogeneous and

isotropic, as stated by the Cosmological Principle. However, the observations show that

matter in the Universe is non regularly-distributed, as there are several inhomogeneities in

the form of galaxies, groups and clusters. These inhomogeneities, surrounded by empty

regions (voids), are distributed in the space in mono-dimensional and two-dimensional

structures called filaments and sheets. The theory of structures formation is based on the

following assumption: at some time in the past there were small deviations from homo-
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geneity. The overdense (with respect to the average) regions, collapsed due to gravitational
instability. These density peaks kept growing up, forming the present day structures.

As long as the inhomogeneities are small, their growth can be studied by the linear
perturbation theory. In this regime, the DM can be treated as a pressure-less fluid, and the
set of equations describing the problem can be applied to both dark and baryonic matter.
Once the deviations from the smooth universe become large, linear theory is no longer
appropriate. Other techniques are developed to treat the nonlinear evolution, where the
full Newtonian theory of gravity must be included. The equation describing this regime
are referred only for DM, while for the baryons it is necessary to take into account all the

baryonic physics, such as fluidodynamics and interactions between matter and radiation.

We begin our treatment of linear perturbation theory using the simplified model of a
static Universe described by Newtonian theory of gravity. Our Universe can be described
as a perfect fluid filled with random fluctuations in density, velocity, pressure, gravitation
potential and entropy around some mean values. The equations needed to describe the

density evolution of a given volume of a perfect fluid are

% +V-(v)=0 Continuity equation (1.18)

ov 1 , .
n +(v:-V)v+ l—)Vp +Vep=0 Euler’s equation (1.19)
V2 = —4nGp Poisson’s equation (1.20)
g +v-Vs=0 Entropy conservation (1.21)

Let us consider a small perturbation on the above quantities, i.e. p = pg + dp, Vv = v

(vo=0), p=po+dpand ¢ = ¢y + 0¢ and define the dimensionless over-density 6(x) as

p(X) — po
po
where pg is the average matter density over a volume V, large enough to make the

o(x) = (1.22)

Cosmological Principle to be valid. Due to the fact that it is impossible to predict primordial
0(x), it is generally assumed 6(X) to be a Gaussian field. The linear regime is valid as long
as 0(x) <« 1 everywhere.

Neglecting higher order terms and writing a generic fluctuation as a plain wave 6;(f) =

80.;¢'“! we obtain the dispersion relation:
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w? = A2k - 4nGpy = 0, (1.23)

where ¢, = dp/dpl, is the speed of sound. In Equation1.23| the value w = 0 divides
two different solution regimes and defines the Jeans length-scale A, i.e. the length over

which the gravity amplifies overdense regions:

2n T
7= o G_po' (1.24)

For 4 < A; we obtain oscillating solutions, while for 4 > A; the solutions are two
stationary waves with an amplitude that increases (and decreases) exponentially with time.

Combining the Equations [I.18] and moving to the Fourier space, we obtain the time

evolution of the perturbation for each k-mode:

w ay . i
8+2(2) 0 = | =5 - anGp), (125)
a a
in the form of a second order differential equation that can be solved by writing explic-
itly the time dependence of a(r) and p(r). By solving Equation [I.25]in a matter-dominated
expanding universeE], we find the Jeans length that separated the two regimes of solution

to be A;(¢) = % Gzpt’(r[). The growing solution, which dominates for large times, takes the

form

Sk < 3« a (1.26)

while in the A-dominated epoque the density perturbations evolve as

Si(f) o e 21, (1.27)

There are two possible sequence of events that led to the formation of the structures:
from the smaller scale to the larger one, i.e. large scale structures are built by the hierarchi-
cal gravitational clustering of smaller substructures (botfom-up scenario) or the other way
around, i.e. large scale structures are the first to form and later on are disrupted to create

smaller structures (top-down scenario). The difference between the two scenarios is a direct

'During the radiation-dominated phase, the DM perturbations are frozen by the effect of stagnation.
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consequence of the nature of DM particles. In a Cold Dark Matter (CDM) scenario, within
which DM particles are moving at non-relativistic speed, the structures grow hierarchically;
in a Hot Dark Matter (HDM) scenario, within which DM particles are moving at relativistic
speed, structures form by fragmentation of larger structures. Observations strongly favour
the bottom-up scenario and as a consequence the CDM model. Indeed, if most DM were
hot, all structures smaller than very massive galaxies would have been disrupted by the free
streaming mechanism, while we know that such structures exist. For this reasons nowadays
the bottom-up scenario is the most accepted by the cosmologists. Within it, the merging
history of the halos can be traced in cosmological simulations and stored in the form of the
so-called merger trees.

The Local Group (LG), which is composed by the Milky Way (MW) and our galactic
neighbourhood, can be used as a laboratory for testing the predictions of the ACDM model.
One of the most important discrepancies between ACDM model and observations is the
so-called missing satellite problem, consisting in an over-abundance of predicted ACDM
sub-halos compared to the satellite galaxies known to exist in the LG (Klypin et al.,|{1999).
A possible explanation to this inconsistency is that there is a large number of low mass dark
matter sub-halos that have not been able to attract enough baryonic matter and hence do
not have detectable stars or gas in them. Therefore, a significant fraction of the accreted
satellites may have been stripped apart by larger galaxies due to complex tidal interactions.
Moreover, the apparent excess of substructures predicted by the theory is not just limited to
the low-mass scale. In fact, simulations predict the presence of sub-halos so massive that
they should not be affected by reionization, but whose internal structure seems incompatible
with that of the brightest observed satellites (Boylan-Kolchin et al.|, 2011)). This further
discrepancy between simulations and observations is known as foo big to fail. Lastly, there
is also a discrepancy between the flat density profiles of dwarf galaxies and the cuspy profile
predicted by N-body simulations, generally referred as the cusp-core problem.

Recent simulations showed that the small scale problems of ACDM model can be over-
come by taking into account the baryon effects in the theoretical modelling (Fattahi et al.|

2016).
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1.3.2 Non-linear growth

So far, we considered only small perturbations (6 < 1), but what happens to fluctuations
that grow large enough to actually collapse? For instance, the DM density of the Milky Way
at the Sun’s position is ~ 10° times larger than the average density of the Universe. For
such cases, we need to enter in the so-called non-linear regime, where the density evolution
cannot be fully treated analytically anymore.

The simplest model for the formation of gravitationally bound structures is the spheri-
cal collapse model. Imagine a flat, matter dominated expanding universe with an homoge-

neous spherical region inside described by the density law:

p) =[1+6(0)]p (1.28)

where j is the mean cosmic density 5 = pg/a’. Since for small ¢ the adimensional per-
turbation ¢ is small, the evolution of such region can be studied with the linear perturbation

theory. The mass within the sphere is:

4 4
M= ?Rgpo(l +0) = ?Rzpo, (1.29)

where R, is the comoving radius of the sphere of physical radius R = aR.. Since the
gravitational force inside a sphere depends only on the enclosed matter, over-dense sphere
will evolve independently, like a closed sub-universe with density higher than the critical
density. In particular, due to the enhanced gravitational force in the region, the expansion
of the sphere will be slower than the rest of the universe. If the initial density is sufficiently
large, at a certain time #,, the expansion of the sphere will stop, reaching a maximum value
for its radius R(#,) = Ry, at the so-called turn around point. The spherical region, due to
the time reversal symmetry of the equations of motion, will collapse at a time 7.,y = 2t,.

The spherical collapse model is based on the study of spherical perturbations which
evolve depending on the values of the density contrast ¢ and the cosmic background model.
We can identify three important values of the density contrast ¢, which corresponds to three
important phases of the evolution of the perturbation: the threshold beyond which the per-
turbation enters in the non-linear regime, d,, the value at turn-around, 6y,, and the density

contrast beyond which the matter inside the perturbation can be considered as virialized
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Table 1.2. Fundamental values of the density contrast ¢ in correspondence to three important phases

of the evolution of the perturbation, for both linear theory and spherical collapse model.

Linear Theory | Spherical collapse model
Onon-linear,1 = 0.568 Onon-linear,sc = 1
01 = 1.06 Otasc = 4.06
Ovirg = 1.686 Ovirse = 177

halo, dyi;. Furthermore, as shown in Table[I.2] we can link those three fundamental values
obtained in the spherical collapse model with those, incorrect, obtained extending the linear
theory in the non-linear region. These relations allow us to characterise the dynamics of the
perturbation using the linear theory. As an example, in order to have the collapse before a

given redshift z, the over-density of the spherical perturbation must be:
6 = byira(1 +2), (1.30)

where dyir) = 1.686 is the value found in the linear regime.

The spherical collapse model is over-simplified: no density fluctuations collapse iso-
lated in spherical symmetry. The collapse is generally followed by a relaxation process,
called virialization, after which the DM halo satisfies the virial theorem. Thus, once virial-
ized, halos can be described using the so-called virial properties (Barkana and Loeb, 2001)),

such as the virial radius Ry;; and the virial temperature 7y;;:

1/3 -1/3 -1
M QuA, 1+2\"
Ryir = 0.784 T8 plkpe, 1.31
vir (IOSh—‘MO) [18n29m(z)] ( 10 ) be (1.31)
2/3 1/3 -1
M QA 1

Tvir=2x104(i) e 2k, (1.32)

0.6\108Ms)  \18220,,2) 10

where u is the mean molecular weight, Q,,(z) = Q,,(1 +2)3 /[Qn(14+2)+ QA+ Q(1+2)?]
and A, is the final overdensity relative to the critical density at the collapse z, which in a

universe where Q, + Q,, + Qa = 1 can be written as (Bryan and Norman, [1998))

A, = 187% + 82[Qy(2) — 1] — 39[Q(2) — 112 (1.33)
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In the bottom-up hierarchical structure formation scenario predicted by the CDM model,
perturbations with the lowest mass are the first to undergo non-linear collapse, and thus
form halos. These small-scale halos, following the redshift evolution, gradually merge to
form higher mass halos. In this context, an interesting quantity to measure is the abundance
of halos of a particular mass at a certain redshift. The process to derive such quantity has
been described by [Press and Schechter| (1974). The main idea is that if we smooth the
linear density field on some mass-scale M, the portion of space in which the density field
exceeds a critical threshold d., belongs to collapsed objects of mass M. The smoothing
is analogous to filter on a scale R with a window function Wg. The critical density in the
case of spherical collapse method is ., = 1.68. If we assume a Gaussian random field of
perturbations with a dispersion (M, z), the probability distribution of density fluctuations

can be written as:

1 1 62
p@,0) = Voo exp —Eg , (1.34)

and the fraction of halos with mass M that has collapsed at redshift z is given by:

PM,z) = foo p(8,0)do . (1.35)
¢

Finally, we can define the halo mass function, i.e. the number density of virialized

halos in the mass range M, M + dM:

82(1)
2012\4 (M)

do(M)
TR am, (1.36)

2 00 po -
moa (M) M

n(M,z)dM =

where pg is the present-day unperturbed density and o-(M) is the root mean square mass
fluctuation on a comoving scale containing an amount of mass M.

With the Equation [I.36] we take into account only half of the mass of the Universe,
so a factor 2 has to be included. This discrepancy is due to the so-called cloud-in-cloud

problem, i.e. a miscount of low-mass object embedded within larger regions.

1.3.3 Gas infall and cooling

So far, we focused on the evolution of DM overdensities during the expansion of the Uni-
verse. However, we observe galaxies, i.e. the light emitted from the stars and gas present

in them. Once dealing with gas, the treatment is not as easy as with non-collisional DM,
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Figure 1.5. Cooling function multiplied by ”%1 for different metallicities, as tabulated by |Sutherland

and Dopita (1993). The cooling rate increases with increasing metallicity (see text).

involving often dissipative and nonlinear processes. We can draw the following very raw
scheme: during the matter-dominated phase, baryonic matter falls into the DM potential
wells. The baryonic perturbations increase rapidly to the DM perturbations level, there-
after at the same rates. At the beginning of our picture, thus, the gas settles with the same
spatial distribution as the DM. Once fluctuations in the DM turn around and collapse, the
gas can be heated by shocks as it falls into the gravitational potential well of the dark halo,
producing a hot gas halo that is pressure-supported against collapse, with a temperature 7Ty,
described by Equation[1.32]

The gas can then cool - determining the reservoir from which the stars can form -
through processes which strongly depend on its temperature and chemical composition.
The temperature of the gas, in fact, determines the ionisation state, while the chemical
composition is directly connected to the cross sections in play. The involved processes are
basically 4 (Kauffmann et al., [1994): the first is the Inverse Compton scattering of CMB
photons by hot electrons, which is important only at z > 10 (Rees and Ostriker, [1977); the
second process, important for halos with Ty < 10* K, is the H, radiative cooling, occurring
after the excitation (and subsequent decay) of rotational or roto-vibrational energy levels,
which removes energy from the gas. The third process is the atomic-cooling, after the

radiative decay due to a previous collision between partially ionised atoms and electrons,
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which excite atoms to higher energy levels. This cooling path is very important for halos
with Ty;; > 10* K. Finally, the last process is Bremsstrahlung radiation, produced by the
accelerated electrons in a ionized plasma. This process is dominant only in massive cluster
(Tyir ~ 107 K).

We can specify the cooling time 7., by dividing the thermal energy density of the gas

by the cooling rate per unit volume:

( 3 pgaskTvir
cool = \3—
2 umyg

) /1Pas AT virs Zias)]. (1.37)
where pg, is the gas density and A is the cooling function, shown in Figure E] as
tabulated by |Sutherland and Dopital (1993).

For primordial gas, the cooling function shows two peaks, related to photoemission
due to H and He recombination. For heavier elements the involved cooling processes for
each temperature are more complex. However, increasing metallicity implies increasing
channels available for cooling. As a results, metal-rich gas will cool much more efficiently
than metal-poor gas.

As the gas cools, its pressure decreases and the gas falls toward the centre of the galaxy,
settling on a disk structure once the angular momentum is conserved. The rate at which the
cold reservoir forms depends on both the cooling timescale (i.e. how fast the gas can cool)
and on the halo dynamical timescale (i.e. how rapid the cold gas falls in the galactic centre).

The simple picture described above can become more complicated if we account for
additional physical processes. For instance, the presence of a photo-ionising radiation can
suppress the cooling in low-mass halos (Haiman and Loeb), (1997} |Gnedin| [2000; Omukail,
2001; [Machacek et al., 2001} |Valiante et al., 2016)) and SN explosions or central BH feed-
back can reduce the cooling rate in massive halos by heating the hot halo gas (Bower et al.,

2001}, 2006 |Croton et al., [2006).

1.3.4 Formation of stars

The theory of star formation (SF) is still far from being fully understood. Stars form from
the collapse of dense interstellar gas, called molecular clouds (MCs), with sizes, densities
and temperatures such that molecules are formed. These clouds are, in fact, composed

mainly by H, and CO, with the presence of dust. The denser parts of the cloud can collapse
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under its self-gravity, and star formation begins. As the cores collapse, they fragment into
clumps, which then form protostars, with the whole process taking ~ 107 yr.

Since 1944, with the seminal work of Walter Baade, it is possible to classify stars into
two main populations, depending on their metallicity. The most metal-rich stars, Popula-
tion I (Pop 1) stars, have metallicities Z > 0.1 Zg, where Zg = 0.013 (Asplund et al., 2009)),
and were found mainly in spiral arms of our Galaxy. The second population of stars (Pop II
stars) are instead metal-poor (Z ~ 107%,1073) with respect to Pop I stars, suggesting that
they are formed in less metal-polluted environments, probably during an earlier time of the
Universe, and found generally in the halo of MW. However, since the metallicity produced
by the Big Bang Nucleosynthesis (BBN) is only Z ~ 10712 — 10710, the gas from which
Pop I and Pop II stars form must have been recycled by previous generations of stars. With
this simple argument, a third population of stars, the so called Pop III stars, has been in-
voked. These stars should have formed from the (almost) metal-free gas, and polluted the
surrounding gas through winds and supernova explosions. From these metal enriched re-
gions, Pop II stars would have then formed. Indeed, this process cannot be explained by
anything else but the chemical enrichment produced by the activity of these first, metal-free
Pop-I1I stars (Heger and Woosley, 2002)), which have never been directly detected so far.

The era between z ~ 1100 (rg ~ 380000), probed by the CMB, and z ~ 11 (tg ~ 400
Myr), where the farthest galaxy ever observed lies (Oesch et al.,|2016)), is called Dark Ages.
This crucial phase ends when the first stars and accreting black holes turned on and shined,
radiating copious amount of ionizing photons and starting the process called Reionization
of the Universe. This non-instantaneously process (starting at z ~ 20—30), was the secon(ﬂ
most important phase transition of the Universe, and consists in the reionization, on cosmic
scale, of the hydrogen (H-Reionization) and helium (He-Reionization). These two phase
transitions appear at different times in Cosmic history. Since the majority of matter is in

the form of hydrogen, the term Reionization generally refers to the H-Reionization.

Pop III stars

The first generation of stars are thought to be very different from the one we observe nowa-

days. Due to the low presence (or absence) of metals in the early Universe, Pop III stars

2 After the recombination - the first phase transition - the elements in the Universe were neutral.
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are more massive and with hotter surface temperatures with respect to Pop I/ II stars.

In Pop III native clouds, radiative de-excitation of Hj is the only coolant able to de-
crease the temperature down to ~ few 100 K, allowing stars to form. After the formation
of H, and for high enough gas densities (~ 10'8 cm™3), the gas becomes optically thick
to Hj cooling, and thermal evolution becomes adiabatic (Omukai, 2000; [Yoshida et al.,
2006). During an adiabatic collapse, temperature, which is related to density (T o« p*/3 for
atomic gas) increases. In this case, the Jeans mass M; « 732 /p(l)/ 2 (i.e. the minimum cloud
mass for becoming gravitational unstable, with subsequent collapse), would increase with
increasing density. This implies that in metal-free condition, MCs are:

(i) initially hotter, and

(if) no (or very limited) fragmentation occurs.

For these reasons, Pop III stars will be more massive than late type stars and more
luminous, due to the higher surface temperature. While Pop III stellar masses suggested
by the first simulations were M ~ 100 Mg (Abel et al.[|2002; Bromm et al.|2002), models
including UV radiation emitted by the protostar showed that the characteristic stellar mass
is reduced to ~ 40 M (Hosokawa et al.|201 1} Stacy et al.[2012). In more recent simulation,
Hirano et al. 2014 found stellar masses in the range 10 — 103 Mg, with a dependence on
their formation environment. Being massive, Pop III life-time 7 is short (7 ~ M;3), about
few x10° yr. They end as SNe, enriching the interstellar medium (ISM) with metals and
possibly leaving also a BH remnant.

For further details on Pop III properties and formation sites, see Section[3.3.1]
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Chapter 2

Black holes

The first theorization of objects with gravity strong enough to prevent the light to escape
were by John Michell and Pierre-Simon Laplace in the 18th century. After the development
of the Einstein GR theory, and the first BH solution found by Karl Schwarzschild in the
beginning of 20th century, BHs were set-aside as mathematical exoticism, and reconsidered
as a part of GR only in 1960s. Their physical and mathematical peculiarities, drawing a very
uncommon picture, make them above the most charming objects present in the Universe.

From a mathematical point of view, a BH is a particular solution of the Einstein Field
Equation (EFE, Equation[I.6). Thanks to the no hair theorem emerged from the work done
by W. Israel (Israel, |1967), B. Carter [Carter| (1971) and D. Robinson (Robinson, [1975)),
we know that stationary BHs are fully described by only three parameters: the mass M,
the spin - the dimensionless ratio between the angular momentum and the mass of the BH
a = J/M, and the charge Q. The description is even simpler for astrophysical BHs, which
are neutral, so that the parameters reduce to a and M.

In the following, we will introduce some important concepts concerning BHs, such as

their brief description in GR and an introduction to the gas accretion process.

2.1 Schwarzschild and Kerr solution

In GR, a non-rotating BH (a = 0) is the solution of the EFE which describes the space-time
outside a spherical mass, found by Schwarzschild in 1916 (Schwarzschild, [1916)).

The peculiarity of this geometrical solution is that there is a spherical surface, called
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event horizon, where bizarre phenomena occur, among which the most important is that the
escape velocity from this surface is equal to the speed of light. This means that nothing
which, falling towards the BH, crosses the event horizon, is able to do it on the way around,
remaining confined in a region causally disconnected from the rest of the Universe.

The line element (i.e. an infinitesimal displacement vector in a metric space) for the

Schwarzschild metric takes the form:

Ry

r

R
as? = -(1-22)ar +( ]drz +r(de” + sin® 0dg?), @.1)
r

where

R, = 2GM./c?, (2.2)

is the Schwarzschild radius. For a non-rotating body, the Schwarzschild radius coin-
cides with the event horizon.

When R;/r < 1 the gravitational field is weak and the Newtonian approximation ap-
plies, while for » — oo the metric reduces to Minkowski’s metric (i.e. it is asymptotically
flat).

The equation of motion of a massive test particle in the Schwarzschild space-time is a
2D-stable circular orbit, and the radius of the Innermost Stable Circular Orbit (ISCO) is,

6GM,
Risco = = = 3R;. (2.3)

while the maximum efficiency with which energy is extracted (see Section [2.2)) occurs

at Risco, and is

€.ISCO = 0.057. (2.4)

The case of rotating, uncharged axially-symmetric BH with a spherical event horizon
is called Kerr BH, and the Kerr line element in the Boyer-Lindquist coordinates takes the

form:

dr? 2M
ds? = —d* + % (% + d92) + (2 + d®)sin® 0dg? + Tr(a sin? 6dg — dry? (2.5)
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where

A(r) = r* = 2Mr + d°, (2.6)

X(r,0) = 1 + a* cos® 6, 2.7)

where M, by comparing it with the asymptotically flat limit, represents the BH mass,
while Ma its angular momentum.

The Kerr metric is stationary, axisymmetric but not static. Furthermore, for a — 0, it
reduces to the Schwarzschild metric while for » — oo to the Minkowski’s space-time in
polar coordinates.

The event horizon of a Kerr BH corresponds to the surface for which A = 0, i.e.

re =M+ VM? - a2, (2.8)

For M = a, the event horizon disappears. This condition is excluded by the Roger
Penrose’s cosmic censorship hypothesis in 1969 (Penrosel, |1969): no "naked" singularity
- except the Big Bang - exists in the Universe. On the other hand, a> > M? has no real
solution. Despite this possibility is still debated, numerical simulations on astrophysical
processes leading to BH formation suggest that a < M, and the condition a > M is gener-

ally considered non-physical. Thus, it is generally assumed

a* < M?, (2.9)

where a®> = M? is called extremal or maximally rotating BH.
In Kerr space-time, the radius of the ISCO depends on the spin of BH, and on the
rotational direction of the orbiting particle with respect to the spinning BHs. In general, it

can be expressed as (Bardeen et al., [1972):

1
Risco = 5Rs |3+ Za(a) £ VG - Z1(@)( + Zi(a) +222(a))] (2.10)

where Z) »(a) are functions of the spin parameter only and the sign + refers to the co-

(counter-) rotating case. For two extreme BHs with a = M, we find
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GM
Risco- = —-» (2.11)
C
oGM
Risco+ = o (2.12)

where — refers to the direct motion, while + to the retrograde one.
The last stable circular orbit in the equatorial plane corresponds to a maximum effi-

ciency of energy extraction, which is a function ranging from

€1sco = 0.057, (2.13)

for non rotating BHs, while for maximally rotating BHs with co-rotating gas accretion

flow it will be,

€ ISCO = 0.423. (2. 14)

2.2 Accretion onto a BH

Accretion onto massive objects is a very important physical process. Massive bodies can
accrete matter, generally gas, from the surrounding. The infall of matter, from less to more
bound orbits, produces an extraction of gravitational energy, approximately proportional
to the ratio M/R between the mass of the central object M and its radius R: the more
the object is compact and massive, the larger is the amount of energy that can be released
during accretion. This energy can be converted into radiation. In fact, together with gravity,
viscosity can heat up the orbiting gas, causing thermal emission from the accreting material.

The detection of binary BHs merging pairs (Abbott et al., 2016alb) opened the way to
gravitational astronomy, which offers a new observational window to the "dark" Universe.
So far, however, accretion has been the main physical process who made possible obser-
vational study of BHs. In fact, non-accreting BHs are indirectly detectable for dynamical
perturbation produced on the motion of stars orbiting around them, but this is possible only
for Mgy > 107 M, and nearby galaxies (Giiltekin et al., [2009; |Greene et al., [2010).

To understand the radiative power generated through accretion, let us consider a particle
mass m at an infinite distance from a central BH with mass Mpy. Its gravitational energy

will be E; = 0. Once this particle joins the ISCO, its energy becomes
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1 GMBHm
Ef= ———, (2.15)
772 Risco
and for a varying mass rate approaching the BH we find
dE 1GMgu d
= o p - Jenan (2.16)
dt 2 Risco dt

where L is, by definition, the luminosity. Rewriting the radius Risco as Risco =
2B8GMgy/c? = BR;, the energy released per unit second of accreting material from infinity

to the inner orbit is

dE 1 dm ,
== —— 2.17
di 4B di © @17
defining dx/dt = x and €, = 1/48, the luminosity can be written as
L = einc’. (2.18)

The net output from the accretion process can, thus, be summarized in the radiative
efficiency €, which is the radiative energy generated per unit rest-mass accreted.

Radiative efficiencies found for BHs can be €, > 0.4 (see Equation[2.14) for maximally
spinning BH. This means that more than 40% of the accreting material is converted in
radiation. To better understand the order of magnitude of such emission, let us compute the
radiative efficiency of proton-proton (pp) chain reaction. The pp chain reaction, which is
a channel of stellar nucleosynthesis, consists in the conversion of 4 protons in one helium
nucleus a, i.e. 4p — a?+2e* +2v.+4.3x 10712 J, with the side production of two positrons,
two neutrinos and energy. The radiative efficiency of this process is:

4 - Mg
M 0.007, (2.19)
4dm,,

€ =
where m,, is the proton mass and m, is the mass of the a particle.

The efficiency of accretion is ~ 50 times larger than nuclear fusion, and it is involved
in most of the high-luminosity phenomena in the Universe. The emerging light makes
possible the detection of these luminous objects also very far from us, driving the study of
BHs and distant massive BHs for the last few decades.

In general, the geometry of the flow can be simplified as spherical or disk-like, depend-

ing, inter alia, on the intrinsic angular momentum of the gas.
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In the following Sections we discuss some properties of the two main geometries in

very idealized accretion models.

2.3 Spherical flows: the Bondi accretion

The pioneer of the study of spherical accretion onto compact objects was Hermann Bondi
in the fifties. He formalized the problem of spherical accretion and gas dynamics in a
gravitational field.

Consider a central compact object of mass M surrounded by a spherically symmetric
gas reservoir. Far from the accreting object, the gas has a uniform pressure P, and density
Peo, While the sound speed will be ¢y = (YPo/pe)'/?, where v is the adiabatic index.

Assuming a steady accretion, and combining the equations of mass and momentum

conservation, it is possible to write the so-called Bondi equation (Bondi, [1952):

L e\ _ _GM|  2cr] (2.20)
2 u?) dr r2 GM
Let us assume a radius, defined as the Bondi radius
2GM
rg=—5—, (2.21)
CS

which represents the approximated radius of influence of an accreting body. For r = rp

the right side of Equation[2.20] vanishes, thus the left side translates into

du?)
dr | _
r=rg

Bondi equation admits six solutions, which describe their behaviours at rz, r — oo and

u(rg)* = cs(rg)* — =0. (2.22)

r— 0.
For our purpose, we focus on the so-called type I solution - one of the two transonic
solutions

2

u(rp)® = cy(rp)*, u* — 0 asr— oo, (2.23)

which represents an subsonic accretion flow at r > rp and supersonic at r < rg. Under
the assumption of an adiabatic infall, it is possible to uniquely determine the mass accretion

rate Mp:
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: G*M?*pos
My = dng—— 2=, (2.24)
Cs,oo
where
1 2 (5-39)/2y-2)
a:(v) = 7 (—5 — 37) : (2.25)

and ranges from g,(y = 5/3) = 1/4to gs(y = 1) = 1.12.
Spherical, steady accretion, thus, depends on the square of the central compact object’s

mass and the physical conditions of the surrounding gas at large distances from it.

2.4 Eddington Limit

As already introduced, the accretion process produces a huge amount of radiation. There
will be a maximum luminosity, called the Eddington luminosity, Lgqq, beyond which radi-
ation pressure overcomes gravity, blowing out the gas and inhibiting the accretion process
itself.

Let us consider a non rotating, spherically symmetric gas of ionized hydrogen around a
central source M. Emitted photons couple with free electronsﬂ due to Thomson scattering,
producing an outward force of radiation pressure, whit a energy flux F = L/4nr* at a
radius r from the source, where L is luminosity. Remembering that the photon momentum

is p = E/c, the outward momentum will thus be

F L
P.=—= . 2.26
YT dnrke (226)
The (radial) radiative force on a single electron is
Fr = PrO'T = arT, (227)

drric
where o7 ~ 6.6 x 1072 cm? is the electron Thomson-scattering cross section.

On the other hand, proton are attracted inward due to gravity, through a (radial) force

Pressure on protons is neglected due to their higher inertia, which reduces the gradient of pressure on

protons of a factor (m, /m,)? ~ 10°.
2gravitational force acting on electrons is my[m, ~ 103 times lower than that on protons. Thus, it is possible

to neglect this term.



29

-GMm,
F, = o (2.28)
To keep the gas bound, it must be
|Fr| < |Fgl, (2.29)
which translates into a condition on the luminosity
drGem,,
< —M= LEdd’ (230)
or

where Lgqq is the Eddington luminosity, and that can be conveniently expressed as:

M\(L M
Ligd ~ 3.3 X 104(—)(—) ~1.26 x 1038 (M—)erg s7! (2.31)

O] © ©

It is possible to define also the Eddington mass accretion rate Mgqq, i.e. the accretion

rate producing an Eddington luminosity

Mgqq = - . (2.32)

Adopting the general assumption for Mggq of €.r = 1/16, the above relation can be

rewritten as

. M\ M
MEdd =354 x 10_8 (V) y—f (233)
O]

In the previous section, we have seen that the conversion factor between the physical
cause, M, and the physical consequence, L, is the radiative efficiency e,.

Indeed, in principle, it is possible to exceed the Eddington mass accretion rate, still
under the condition L < Lgqq, if the radiative efficiency is sufficiently small. This would
produce a super-Eddington flow (and a super-Eddington growth) without a blow-out of
the gas reservoir from which the central object accretes. The Eddington luminosity can
be exceeded also when the accretion flow is not spherical, i.e. in presence of accretion
disks. In the latter case, accretion would mostly take plane in the equatorial place, while

the radiation is emitted in the vertical direction, and it is not capable to stop the gas inflow.



30

2.5 Accretion from a disk

The accretion process can be far from spherically symmetric. In fact, matter generally has
non-zero angular momentum.

During the collapse triggered by the gravity of the central object, the gas cloud will
conserve its angular momentum, producing increasing angular velocity. This rotation is
responsible for the flattening of the cloud, which will form a disk-structure. But as long
as a particle, orbiting around a BH, should conserve its angular momentum, no accretion
process and, thus, no energy emission would occur. It is necessary to transport angular
momentum from inner to outer radii. In this way, inner particles are able to fall into smaller
orbits, producing a luminous accretion disk and flowing onto the BH. The key-process that
is able to transport outward angular momentum and dissipate energy is viscosity. Let us
assume two parallel shear flows, one with velocity v; and the second with v,, where vi > v;.
Viscosity acts tending to uniform the layers, with a momentum transferred from the faster
to the slower one. Through this mechanism, in viscous disks mass accretes inward, while
angular momentum is transferred outward.

Dynamical timescale of accretion disks are generally much shorter than the timescales
of thermal and viscous processes (Abramowicz et al., |[1988). For this reason, it is possible
to restrict the treatment only to the dynamical structure. The relative importance of gravity,
pressure and rotation gives rise to different types of accretion disks, and the most known
structures are shown in Figure [2.1]

Accretion disk models generally assume stationary, axially symmetric distribution of
matter accreting onto the BH. All physical quantities, thus, are assumed to depend only on
the distance from the central body, r, and half thickness of the disk, z. In the following, we
briefly outline three well studied case: first, the thin model, (Shakura and Sunyaevl, |1973)),
for which z/r < 1 in every point of the structure. The second one is the slim disk model
(Abramowicz et al.,|1988|), where z/r < 1, while the third model is the advection dominated
accretion flow (ADAF), which is characterized by very low accretion rates with respect to
the Eddington one, and for which z/r ~ 1.

Accretion rates in thin disks are sub-Eddington, and flows go down into the BHs with
almost circular, Keplerian geodesic orbits. They have high luminosities, due to high ra-

diative efficiencies (i.e. all the heat generated by viscosity at a given radius is immedi-



31

<
&
Er W
10° & 3
10 b
10% El
2O E
108 L 4~
— E 3Q
o) = ]
T 10 J
- E
a = ]
o 1L El
i} E 3
S E 3
v = ]
o 0.1 3
Q E 3
o] E | | |
" F Shakura— E Q\
2001 E 7S‘u1nya;ev EBSR
g = ]
1078 - E
104 4
10 ¢ 4
E T v v e e e cond o oo

10—+ 103 0.01 0.1 1 10 102 103 10* 10°%
optical depth at 20 M

Figure 2.1. Some of the known analytic and semi-analytic solutions of stationary BH accretion

disks. Adapted from [Sadowski| (2011)

ately radiated away): €, = 0.057 for non rotating BH, while €, = 0.420 for @ = 1, and
the mechanisms responsible for the outward transportation of angular momentum are both
magneto-rotational instability effects, together with gas viscosity (Chandrasekhar, |1960).
The spectral energy distribution (SED) emerging from thin disks is the sum of the black
body emission (due to the large opacities) related to different part of the disk with different

temperatures:

7

_ [3GMM [1 _ Rinner) (2.34)

r

where G is the gravitational constant, o is the Stefan—Boltzmann constant, M is the
mass of the central object, M is the mass rate of accretion onto the body, and Rjnper is the

inner radius of the disk, and it can be conveniently rewritten as:

~1/4 . 1/4 -3/4 1/2
M M
T~105( - ) ( . ) ( il ) 1—( ! ) K. (2.35)
108 M, 0.1MEg4q 10Rs Risco

The corresponding emerging spectrum will be
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Slim disk Thin disk

Figure 2.2. A scheme of the standard thin (right) and slim (left) accretion discs.

L, = f " 27°rP(v, T(r))dr, (2.36)
R

inner

where

2?3 1

POT() = 71— exp(hv/kT(r)) = 1’

(2.37)

while the total luminosity is then

_1GMM
2 Rinner .

The Equations [2.35] and [2.36] imply that supermassive BHs (SMBHs), with masses of

L

(2.38)

order 10° Mg, have the maximum of the emission in the optical/UV band, while stellar
mass BHs have accretion disks that emit mainly in the X-ray band.

For very sub-Eddington accretion rates and very small opacities, the structure formed
around a BH is an advection-dominated accretion flow (ADAF), whose analytic description
is more complicated than the thin disk one. From a geometrical point of view, they are
thick, with a shape more similar to a sphere rather than a disk. As a typical characteristic of
thick flows, ADAF are radiatively inefficient (the cooling mechanism is advection instead
of radiation), and their emission is a non-thermal power law, generally with the presence of
a Compton component.

For nearly and super-Eddington accretion rates, when L ~ Lgqq, the disk structure is
better described by the slim disk solution. They have large opacities, and radiative efficien-
cies lower than the typical values associated to the thin geometry (Madau et al., 2014). Slim

disks are geometrically inflated in the inner regions, so that they are described by a set of
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ordinary differential equations where the vertical dimension is not neglected. Due to their
thickness, the viscosity-generated heat and, subsequently the photons, have not enough
time to escape. In fact, it is possible to define a radius, called trapping radius, within which
the radiation is advected, instead of radiating away (see Section [5.1.3)). For this reason,
despite highly super-Eddington accretion rates, the luminosities can remain only mildly
super-Eddington, departing from the linear relation L o< M and becoming L o log M.

Slim disks are a generalization of the thin disk model. In fact, for low accretion rates,
the solution converges to the thin disk solution. Moreover, while thin disk model formally
ends at Risco, slim disks extend down to the BH horizon, as shown in Figure [2.2]

A better description of the slim disk solution, and its radiative properties, are discussed
in Chapters 4] and [6] For a complete description of the state-of-art of stationary BH accre-
tion disks and numerical simulations, we refer the reader to the review by /Abramowicz and

Fragile (2013]).
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Chapter 3

On the formation of the first quasars

Up to ~ 40 SMBHs of > 10° M, have been observed till date, which are believed to power
the optically bright quasars (> 10%” erg s™!) at z > 5 (e.g. Mortlock et al.2011; [Wu et al.
2015)). How these BHs formed in a relatively short time scale, already 12 Gyr ago in the
early Universe (< 700 — 800 Myr; e.g. [Fan et al.|2001} 2004; De Rosa et al.[2011} 2014) is
still an open question (e.g. [Volonteri|2010; Natarajan|2011)).

Luminous (optically selected) quasars at high redshift, thus offer the most direct con-
straint on the evolution of the first SMBHs and serve a unique laboratory to study the
earliest phases of galaxy formation and evolution as well as the properties of the early Uni-
verse. In the left panel of Figure [3.Twe show a collection of high redshift (z > 3) SMBHs
reported to date. Note that at z > 6, they are already as massive as the BHs observed at
lower redshifts (z = 3 — 5) and in the local Universe (see e.g. [Sani et al.|2011; [Kormendy
and Ho|2013).

The two noteworthy record holders are ULAS J1120+0641 (J1120) and SDSS J0100+2802
(J0100), hosting the most distant (z ~ 7.1, Mortlock et al.|[2011), and the most massive
(1.2 x 10'°My, Wu et al.|[2015) SMBHs ever observed respectively.

In the right panel of Figure [3.I)we show the bolometric luminosity as a function of the
BH mass for the collection of z > 6 quasars presented by [Wu et al.|(2015). The nuclei of
these objects are actively accreting massive BHs, shining close to or above the Eddington
luminosity (green dashed line). Coloured points show three of the most interesting objects
observed to date: the two record holders introduced above, J1120 (magenta triangle) and

JO100 (blue square) and quasar SDSS J1148+5251 (red circle, hereafter J1148) which is
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Figure 3.1. Left panel: BH mass as a function of redshift for Mgy 2 10° M quasars at z > 3.
References to the data are labelled and color coded in the figure. Right panel: Bolometric lumi-
nosity as a function of the BH mass for z > 6 quasars. Black data points are taken from high-z
quasars from Wu et al.| (2015). The green dashed line show Eddington luminosity (Valiante
et al., 2017).

one of the best studied quasar, discovered at z = 6.4 (Fan et al., 2001). As it can be
seen from the figure, JO100 is the most luminous quasar known at z > 6, with bolometric
luminosity Lge; = Lgga ~ 4 X 10 Lo(Wu et al., [2015), making it 4 times brighter than
J1148 (red circle), and 7 times brighter than J1120 (magenta triangle).

In this Chapter, we will present state-of-the-art theoretical models for the formation
and evolution of high redshift SMBHs and their host galaxies. The first part is dedicated
to the description of the environmental conditions required for the formation of different
populations of seed BHs. We then will briefly discuss different pathways for the fast growth
of these seeds up to > 10° My, BHs at z ~ 6, as well as their co-evolution with the host

galaxies.

3.1 Open questions

A SMBH is born first as a much smaller seed BH, which then grows by accreting matter and
merging with other BHs. Numerous studies have been devoted to explaining how and when
these seed BHs and their host galaxies form. Here we briefly discuss the mostly debated

issues related to the discovery and formation of distant quasars and their observed prop-
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erties (see (Gallerani et al.|2017| for a recent review on the first quasars observed physical

properties).

How and when did the z > 6 SMBHs form & the nature of their progenitors

The formation mechanism and properties of the first seed BHs are the subject of several
studies which focus on three distinct scenarios (see e.g. [Volonteri/[2010; Natarajan| 2011}
Latif and Ferrara|2016|for complete reviews).

The first scenario relies on low-mass seeds, namely BHs of few tens to few hundreds
solar masses, formed as remnants of Population III (Pop III) stars in the mass range [40 —
140] and > 260 My (e.g. Madau and Rees|[2001; |Abel et al.|[2002; Heger et al.[[2003;
Volonteri et al.[|2003}; | Yoshida et al.|2008) up to ~ 1000 Mg stars that may form at z > 20
(Hirano et al., 2015)).

On the other hand, intermediate mass, 10° — 10* M, BHs may arise from stars and
stellar-mass BHs collisions in dense clusters (e.g. (Omukai et al.|2008; Devecchi and Volon-
ter1[2009; Katz et al.[2015;[Davies et al.[2011}; [Lupi et al.[2014;|Yajima and Khochfar|2016).

Finally, a third SMBH formation channel has been proposed: high-mass seeds, forming
in Ty, > 10* K halos, exposed to an intense Hy photo-dissociating ultra-violet (UV) flux
(but see e.g.Spaans and Silk}, 2006, for a different scenario), via direct collapse (DC) of low
metallicity gas clouds into 10* — 10° M, BHs. Such a scenario has been explored in details
by means of both analytic works (e.g. |[Loeb and Rasio|[1994; Bromm and Loeb|2003a}
Eisenstein and Loeb| 1995} [Volonteri and Rees|[2005; [Begelman et al.|[2006; |Lodato and
Natarajan|2006; |Spaans and Silk|2006; Ferrara et al.[2014| and simulations (e.g. [Wise and
Abel |2008; Regan and Haehnelt| 2009alb; |Shang et al.[2010|Inayoshi and Omukail|[2012;
Regan et al.|[2014; |Inayoshi et al.|2014; [Becerra et al.|[2015).

Another debated issue is related to the seed BH growth mechanism that is needed in
order to explain z > 6 SMBHs.

Alvarez et al. (2009) pointed out that Pop III star remnants forming in mini halos at
z > 15 do not grow efficiently in mass to become miniquasars (BHs with mass~ 10° Mp).
However, after merging with atomic cooling halos (i.e. halos with virial temperatures of
> 10* K), the BH feedback may be able to inhibit star formation, thus leading to efficient

accretion and growth of the BH.
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In addition, if Pop III stars are less massive than expected, i.e. not exceeding 100 Mg
(e.g. |0’Shea and Norman|2007; Hosokawa et al.[2011} |Greif et al.|[2011} [Stacy et al.
2012} Hirano et al.|2015)), the resulting BHs of ~ 20 — 60 My may receive a kick during
their formation, ejecting them out of their host halos and thus preventing their subsequent
growth (Whalen and Fryer, [2012). Moreover, because of their low mass, such BHs are
not expected to settle in the galaxy center. They would rather wander in the halo, without
accreting gas (see e.g. Volonteri, [2010, for a discussion)

Various studies suggest that BHs may evolve via uninterrupted gas accretion at the
Eddington rate and/or episodic super-Eddington accretion phases, to grow up to billion
solar masses, especially in the case of low-mass seeds (Haiman|2004; Yoo and Miralda-
Escudé|2004; [Shapiro/2005}; [Volonteri and Rees| 2005|2006} [Pelupessy et al.[2007; Tanaka
and Haiman/2009; Johnson et al.[2013; Madau et al. 2014} Volonteri, Silk, and Dubus
2015).

We refer the interested reader to reviews by [Volonteri| (2010); [Natarajan| (2011)), [Volon-
teri and Bellovary| (2012)), [Volonteri et al.| (2016a)), [Latif and Ferraral (2016), Johnson and
Haardt|(2016) and references therein for details on the first seed BHs formation and feeding
mechanisms.

The seeds of the first SMBHs are still elusive even to the most sensitive instruments
that exist today, thus preventing us from putting observational constraints on their nature.
A good example is the bright Lya emitter CR7 observed at z ~ 6.6 (Matthee et al., 2015}
Sobral et al., 2015; [Bowler et al., 2016) where either Pop III stars (Sobral et al., 2015
Visbal et al., [2016; Dijkstra et al, [2016) or an accreting DCBH (Pallottini et al., 2015
Hartwig et al.,|[2016; |Agarwal et al., 2016a; Smith et al., 2016; Smidt et al.,[2016; |Agarwal
et al.,|2017) has been suggested as the primary constituent of its metal poor component.

Although the observational signatures of seed BHs still remain unexplored, [Pacucci
et al.| (2016) suggest a promising method to search for DCBH candidates in deep multi-
wavelength surveys, based on photometric observations. By modelling the spectral energy
distribution and colors of objects selected from the CANDELS/GOODS-S field catalogues
(Guo et all 2013) they identify two X-ray detected faint active galactic nuclei (AGN),
33160 and 29323 (Giallongo et al., 2015) (but see also (Weigel et al., 2015; [Cappelluti
et al.l 2016;|Vito et al.,|2016)) as DCBHs prototypes at z ~ 6 and ~ 9.7, respectively.
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The existence of such low-luminosity AGN at very high redshift, together with the re-
cent reduction in the optical depth due to free electrons, 7, reported by the |Planck Collab-
oration et al|(2016) has renewed the interest in the role of the first quasars in cosmological
reionization. Although the idea of quasars substantially contributing to, or even being the
main responsible for, reionization (e.g. Madau and Haardt 2015) is still highly debated
(see e.g. D’ Aloisio et al.|[2016)) the recent discoveries strengthen the motivation for a better

understanding of their demographics and origin.

What are the properties of high-z SMBHs hosts?

High-z quasars are predicted to be hosted in the most massive dark matter halos residing
in over-dense environments (e.g. |Overzier et al., |2009; D1 Matteo et al., 2012; |Angulo
et al.l 2013) However, clear observational evidences of such a scenario are still missing,
as observations provide controversial results (e.g. Stiavelli et al., [2005} |Willott et al., 2005
Wang et al., [2005} [Zheng et al., 2006} Kim et al., [2009} [Utsumi et al.,|2010; [Husband et al.,
2013;|Simpson et al., 2014; Morselli et al., 2014; McGreer et al., 2016; Mazzucchelli et al.,
2017 Balmaverde et al.,[2017).

The quasar hosts are chemically evolved, metal and dust-rich, galaxies. Although their
metallicity is quite difficult to trace, constraints on the gas-phase elemental abundances in
the interstellar medium (ISM) come from the detection of emission line ratios in broad- and
the narrow-line regions (BLRs and NLRs, respectively)

Although BLRs are representative of a small fraction of the gas content, concentrated
within the central region (10* M, on parsec scales, close to the AGN), the observed emis-
sion line ratios, such as Fell/MgII (e.g. Barth et al.|[2003), NV/CIV (e.g. [Pentericci et al.
2002), (Si IV+OIV)/CIV (Nagao et al., 2006; Juarez et al., [2009), and metal lines like CII
and OI (e.g. Maiolino et al., 2005} [Becker et al., [2006) trace up to ~ 7 Zy metallicities
(Nagao et al., 2006} Juarez et al. 2009) suggesting a fast evolution of the ISM chemical
properties. By using emission line ratios as tracers, Jiang et al.|(2007)) estimated gas metal-
licity of a sample of 5.8 < z < 6.3 quasars, powered by 10° — 10'© M, SMBHEs, finding
values as high as ~ 4 Z.

A better proxy of the host galaxy ISM metallicity, on larger scales (comparable to the

+0.25Z

host galaxy size), is provided by NLRs. A mean gas-phase metallicity Znir = 1.327 577
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is inferred from CIV/He II and C III/C IV flux ratios in quasar, with no significant evolution
up to z ~ 4 (Nagao et al., [2006; Matsuoka et al., 2009). Such super-solar metallicities are
reminiscent of the star formation history (SFH) of the system (see e.g. Matsuoka et al.[2009
and references therein) and can serve as a lower limit for the z ~ 6 quasar host galaxies.

Constraints on the cool/warm dust content come from the observations of far-infrared
(FIR) and sub-millimetre (sub-mm) continuum radiation, while NIR and MIR observations
may provide indications of the hot dust component (e.g. Jiang et al.|2007).

The observed > 10'3 Ly quasar FIR luminosities are consistent with emission from
dust with temperatures of the order of 30-60 K and masses > 108 M, (Bertoldi et al., [2003;
Priddey et al., 2003} Robson et al.l [2004; [Beelen et al., 2006, Wang et al., 2008} [Valiante
et al, 2011} 2014} Michatowski et al., [2010). From the same FIR luminosities, high star
formation rates (SFRs), > 1000 Mg/yr, can be inferred, suggesting that a large fraction
of these systems has ongoing, highly efficient, star-formation activity (see e.g. Table 1 in

Valiante et al.||2014| and references thereinﬂ

Is there a stellar mass crisis?

The rapid enrichment by metals and dust at very high redshift discussed above suggests
that quasar host galaxies could have undergone intense episodes of star formation. Similar
chemical abundances are typically found in local galaxies which, however, evolved on
longer time scales.

The estimated mean BH-stellar bulge mass ratio, M /Mgar, Of z ~ 6 quasars is about
10 times higher than the one observed in the local Universe (e.g. [Wang et al.|2010; 2013)),
suggesting that high redshift BHs may have formed or assembled earlier than their host
galaxies (e.g. |Lamastra et al.[[2010; [Venemans et al.[2016). Although this result could be

strongly affected by observational selection effects (Lauer et al., 2007; |Volonteri and Stark],

'Note that the SFR is usually inferred using the FIR Luminosity-SFR scaling relation (Kennicutt, [1998)
which relies on the assumption that all FIR radiation comes from dust heated by stellar optical-UV emission.
A factor of 2 — 3 lower SFRs are found taking into account that in luminous quasars, like the ones observed at
7> 6,30 - 60% of the dust heating may be due to the AGN emission itself (Wang et al.,2010;|Schneider et al.,
2015). Indeed, |Schneider et al.| (2015)) show that the optically bright quasar J1148 may contribute 30 — 70%
of the observed FIR luminosity (> 20um) heating the large amount of dust (~ 3 X 10% M) in the host galaxy
ISM. We refer the reader to|Valiante et al.{(2014)) and |Schneider et al|(2015) for a discussion.
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2011)) and large uncertainties in the estimation of the mass and size of the stellar bulge
(Valiante et al.|2014; Pezzulli et al.|2016), it is difficult to explain how the ISM has been
enriched to chemical abundances similar to that of local galaxies, albeit with < 10% of the

stars (Valiante et al.| 2011} |Calura et al., 2014} [Valiante et al., [2014).

What is the role of BH feedback?

It is expected that galaxy-scale winds, triggered by the large amount of energy released in
the BH accretion process, play a crucial role in regulating the BH-host galaxy co-evolution,
shaping the SFH and BH accretion history itself (e.g. |Silk and Rees||1998; (Granato et al.
2004; D1 Matteo et al.| 2005} [Springel et al.|[2005||Ciotti et al.| [2009; |2010; Hopkins and
Elvis|2010; Zubovas and King/2012).

Indeed, massive and fast large scale gas outflows, associated to quasar activity, have
been observed in local and high redshift quasars (Feruglio et al.|2010; [2015; |Alatalo et al.
2011% [Aalto et al.|2012; |Alexander et al.|[2010/Nesvadba et al.,|2010; 2011, [Maiolino et al.
2012 [Cano-Diaz et al.|[2012; [Farrah et al.|[2012; [Trichas et al.|[2012; |Carniani et al.|2016)).
At z > 6 a massive gas outflow has been inferred from observations of [CII] emission line
in J1148, revealing an outflow rate > 2000 — 3000 Mgy/yr (Maiolino et al.| [2012}; |[Cicone
et al., 2015).

However there are still open issues like: what is the outflow powering mechanism, what
are the effects of BH feedback on the host galaxy, how can the observed strong outflows
and starbursts be simultaneously sustained? Although there are hints of star formation
being quenched by quasar feedback at high redshift (Cano-Diaz et al., 2012; [Farrah et al.,
2012 Trichas et al., [2012; |(Carniani et al., [2016), it is unclear if such feedback is able to
completely suppress star formation in galaxies (Peng et al.,2015). On the other hand, it has
been pointed out that AGN-driven positive feedback (Zinn et al., [2013}; |Cresci et al., [2015)
which triggers or enhances star formation, may be as important as quenching mechanisms
in galaxy formation (e.g. |Gaibler et al.[|2012; Wagner et al.[2013; Silk/|2013; |Bieri et al.
2015)).



42

3.2 Theoretical models

In the following sections we review the results of state-of-the art theoretical models for the
formation of the first BHs, the properties of the environment in which they form and the
evolution of their host galaxies. We focus on models in which the evolution of the baryonic
component of galaxies is followed by means of analytic prescriptions linked to their host
DM halo properties. In particular, we discuss two complementary approaches adopted to

describe DM halos,

o pure semi-analytic models (pSAMs): that use analytic algorithms (e.g. Monte Carlo)
usually based on the extended Press-Schechter (EPS, (Press and Schechter, |1974;
Lacey and Colel [1993))) or similar, formalism (see e.g. |Parkinson, Cole, and Helly

2008; Somerville and Kolatt|1999;|Zhang, Woosley, and Heger|2008])

o hybrid semi-analytic models (hSAMs): that use cosmological N-body simulations
(e.g. |Springel et al.|2005) to extract DM halo properties (e.g. mass and spatial

distribution) and build their models on top of them.

Pure semi-analytic techniques are commonly adopted to shed light either on the early
gas enrichment with metals and dust in the high redshift ISM (Hirashita and Ferrara/ 2002}
Morgan and Edmunds|[2003; [Dwek, Galliano, and Jones|[2007; [Valiante et al.|2009; (Gall
et al.|2011b;[2011a, [Dwek and Cherchneft|2011}, Mattsson|201 1} Pipino et al.[2011};|Calura
et al.||2014) or on the origin of the first SMBHs and the resulting BH-host galaxy scaling
relations (e.g. [Volonteri et al.| 2003} [2005; Madau et al.|2004; [Volonteri and Rees| 2006,
Dijkstra et al.|2008}; [Tanaka and Haiman|[2009} Devecchi et al.| 2010; 2012} [Petr1 et al.
2012; Dijkstra et al.[2014} [Volonteri, Silk, and Dubus|2015).

However, in order to interpret the observed properties of high redshift quasars discussed
in the previous section it is important to connect all the physical processes regulating the
formation of SMBHs and the host galaxies’ chemical evolution history in a self-consistent
cosmological framework.

A first attempt to link the chemical evolution of the ISM (metals and dust) to the SMBH

formation in z > 6 quasar by means of a pSAM has been made by |Valiante et al.| (2011
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2014;[2016) and |Pezzulli et al.|(2016)) employing the cosmological data-constrained model
GAMETE/QSObust. The model successfully reproduces the observed properties of a sam-
ple of z > 5 quasars such as the mass of molecular gas, metals, dust and BHs (Valiante et al.,
2014) and has been recently improved to investigate different SMBHs formation scenarios.
The relative role of low-mass and high-mass seeds is investigated in |Valiante et al.| (2016)),
while Pezzulli et al.| (2016)) study the effect of different gas accretion modes/regimes by in-
cluding new, physically motivated, prescriptions for gas cooling, disk and bulge formation
in progenitor galaxies.

These models are targeted to highly biased regions of the Universe, where a SMBH is
expected to form (e.g. [Stiavelli et al.|[2005; Kim et al.|[2009j; Utsumi et al.|[2010; Morselli
et al.|2014), namely single DM halos of 10'>—10'3 M, which represent the highest density
fluctuations at z ~ 6 (e.g. [Fan et al.|2004; Volonteri and Rees|2006). In other words, all
the halos in the merger trees of high-z pSAMs are the ancestors of a single quasar host.
In particular, the observed/inferred properties of the best (observationally) studied quasar,
J1148 at z = 6.4, are often adopted as a reference data set to constrain/explore model
parameters (e.g. [Dwek et al.[2007; [Valiante et al.[2009, 2011; Dwek and Cherchneft|2011;
Valiante et al.|2016}; |Pezzulli et al.[[2016) in the above mentioned studies.

The importance of several physical processes has emerged from both pSAMs and
hSAMs, such as metal enrichment of the medium from galactic winds (Dijkstra et al., 2014
Habouzit et al., [2016c) and the clustering radiation sources (Dijkstra et al., 2008}, |Agarwal
et al., 2012). The dependence of these physical aspects on the spatial halo distribution is
better described by hSAMs as cosmological simulations: either DM only or hydrodynam-
ical, directly provide the spatial distribution of halos. In general, hRSAMs are designed to
describe average volumes of the Universe that are able to probe smaller scales, exploring
in detail the environmental conditions required for the formation of the high redshift BH
population.

The population of SDSS quasars presents an observational limit of 1 cGpc = for 10° M,
BHs (e.g. [Fan et al.|2006; Venemans et al.[2013)). Much larger volumes, and thus large scale
N-body simulations are required to produce one such billion solar mass BH in a statistically
significant manner, from either a Pop III or a DCBH seed. On the other hand, small scale

N-body simulations (i.e. much smaller volumes ~ 100 cMpc~3) are instead best suited for
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studying the environment in which the first stars and seed BHs form. Either way, hRSAMs
operating on either of these volumes present complementary insights into the problem of
forming BHs at z > 6.

So far, hRSAMs have mostly been used to study the formation of high-mass seeds. For
example, Agarwal et al.| (2012)); [Habouzit et al. (2016c) use hSAMs in which DM only
simulations permit one to account for effects that are critical to the first galaxy formation
paradigm. Local feedback mechanisms such as the net radiation flux and metal pollution
can be folded into the construct of hSAMs, along with other recipes such as self—consistent
star formation and tracking halo histories across cosmic time.

The first part of this review is dedicated to the description of the environmental con-
ditions required for the formation of different populations of seed BHs in both average
volumes, simulated by hSAMs, and biased regions described in pSAMs. We then will
briefly discuss different pathways for the fast growth of these seeds up to > 10° M, BHs at

Z ~ 6, as well as their co-evolution with the host galaxies.

3.3 The first seed BHs: how, where and when

In the following sections we discuss the environmental conditions that enable and regulate
the formation of the first seed BHs in a cosmological context, as explored by both pSAMs
and hSAMs. We focus our attention on the formation of low-mass (Pop III remnants) and

high-mass (DCBHs) seeds.

3.3.1 Seeds formation sites

As they are the end products of massive Pop III stars, low-mass seed formation is enabled
by nearly primordial conditions: metal and dust poor gas fragmenting into one or few
massive stars at redshift z ~ 20 (e.g. |Abel et al.|[2002; Heger et al.|2003; [Madau and Rees
2001} Yoshida et al.[2008; Hosokawa et al.[2011} [Latif et al.[2013bj [Hirano et al.| |2014;
2015). Gas enriched up to metallicity Z, > 107 Zg, or dust-to-gas ratios D > 4 x 1077,
fragments more efficiently (thanks to metal lines cooling and dust continuum radiation), to

form instead lower mass, population II (Pop II) stars (Schneider et al.[2002} 2003; Omukai

et al.[2005; |Schneider et al|2012a). Such conditions are expected to be easily met in
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the first virialised structures at early times, the so-called minihalos, characterize by virial
temperatures of 1.2 X 10° < Tyir < 10* K and masses M}, ~ 10°7° M, (see e.g. Bromm
2013|for a review).

Although early studies suggest that Pop III star formation in these halos is characterized
by high-mass stars (= 100 Mo, e.g. |Abel et al.[2002; Bromm et al.|[2002; Bromm and Loeb
2004; [Yoshida et al.|2008)), more recent simulations have shown that Pop III stars forming
under different minihalo environmental conditions (e.g. determined by the presence or
absence of photo-dissociating and ionizing feedback) may span a wider range of masses,
from few tens up to ~ 1000 My (e.g. [Hirano et al.| 2014; 2015; [Hosokawa et al.|[2016.
In these works only one star per halo is formed. However, a number of studies, resolving
protostellar scales (~ 100Rg), show that fragmentation of protostellar disks may lead to
the formation of multiple stars, with a wide mass spectrum (down to few solar masses), in
small clusters (e.g. (Clark et al|2008}; 2011} [Turk et al.[2009; |Stacy et al.|2010; 2016, |Greif
et al. 2011} 2012f Susa et al.|[2014).

Pop III stars also represent the first sources of light and heavy elements (including dust,
e.g. INozawa et al.[2007; [Heger and Woosley|2010; [Marassi et al.|2015), setting the stage
for all subsequent structure formation in their neighbourhood. Therefore, it is imperative
that their formation is captured in the models for a consistent identification of the seed BH
hosts. Resolving minihalos, in which these stars form, is thus crucial for models, at least at
z > 20. Unfortunately, the mass/size resolution limit in both hSAMs (i.e. the box size and
DM particle mass) and the pSAMs (i.e. the minimum DM halo mass) is often determined
by the inherent computational costs.

Depending on the aim of the model, different scale/mass resolutions are suited for dif-
ferent studies. Resolving arbitrarily small halos is computationally prohibitive even for
analytic binary Monte Carlo algorithms. In pSAMs the resolution of the merger tree is thus
defined by the minimum halo mass, which, together with the adaptive redshift interval (Az)
are chosen to maintain manageable computational times, simultaneously matching the EPS
predictions at different redshifts (e.g. [Volonteri et al.[2003} [Tanaka and Haiman|2009).

In N-body simulations, the need to resolve a minihalo sets an upper limit on the box-
size that can be simulated in a reasonable time frame. N-body simulations with volumes

~ 100 cMpc? allow one to resolve minihalos, capturing the small-scale sub-grid physics.
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These simulations offer insights on the formation sites of the first stars and seed BHs but
lack statistical significance in terms of SMBH abundance for which larger volumes are re-

quired as discussed in section [3.2]

The formation of a DCBH requires the absence of star formation and of efficient coolants
(metals and dust) in order to maintain isothermal collapse of gas clouds in Lyman—a- cool-
ing halos (Lya, Tyir ~ 10* K), leading to a Jeans halo mass (which scales as 73/2) which
is high enough to avoid fragmentation. Thus, high-mass seed BHs are expected to form
out of poorly enriched gas (Z < Z,) if star formation is somehow inhibited. Colliding cold
accretion flows (e.g. [Inayoshi and Omukai/2012) or high relative velocity galaxy mergers
(= 200km/s) can shock-heat the gas in the dense central regions of galaxies, collisionally
dissociating the H, molecules (e.g. [Inayoshi et al|2015), thus preventing the gas from
forming stars. Alternatively, the presence of Hy photo-dissociating flux, i.e. photons in the
Lyman Werner (LW) band (11.2 — 13.6 eV) emitted by nearby external sources, may sup-
press star formation in Lya cooling halos (e.g. Bromm and Loeb|2003b; [Begelman et al.
2006; [Spaans and Silkl2006; Inayoshi et al.|2014; |[Ferrara et al.|2014). These conditions
indeed enable the formation of a supermassive star (SMS) of 104~> M, that may eventually
lead to a massive seed BH by accreting the surrounding material (e.g. Bromm and Loeb
2003b; Begelman et al.|[2006; Lodato and Natarajan|[2006, 2007; [Inayoshi and Omukai
2012; [Inayoshi et al.|[2014; |[Ferrara et al.|2014; [Haemmerlé et al.[[2017)). Another pathway
to create massive BHs in the presence of an external LW radiation field is via a quasi-star
system. A massive star rapidly forms a 10 — 100 My BH embedded in a radiation pressure
supported dense gas cloud which then experiences high gas infall (and therefore accretion)
rates ~ 1 Mg /yr, eventually resulting in a more massive 104> M, DCBH seed (Spaans and
Silk, 2006; Begelman et al., [2008)). This peculiarity of the environmental conditions, and
the frequency of their occurrence is still under debate (Agarwal et al.|2012;|2014; Habouzit
et al.[2016c; |Dijkstra et al[2014;|Yue et al.|2014; Chon et al.[2016) . The conditions are sen-
sitive to galaxies’ assembly histories and on the interplay between the effect of chemical,

radiative and mechanical feedback, driven by star formation and BH growth itself.
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3.3.2 Forming the first stars

In star forming halos both Pop III or Pop II stars form depending on the chemical enrich-
ment (metallicity) of the gas. Pop III stars form out of metal-free/poor gas (Z < Z) while
metal/dust-rich gas clouds instead lead to Pop II star formation.

The metallicity of a galaxy is usually the result of the interplay between in-situ and ex-
ternal metal pollution, i.e. stellar nucleosynthetic products injected in the galaxy interstellar
medium (ISM), and in-falling metal rich (and dusty) gas ejected from nearby galaxies via
supernovae (SNe) and AGN-driven winds.

Most hSAMs allow Pop III stars to form in metal-free halos, i.e. the ones that have
never hosted a star in their past and/or pass the critical mass threshold (Agarwal et al.|
2012). The mass threshold can be understood as a negative feedback effect of LW photons
that delay Pop III SF by a fraction of dissociating H, molecules in a minihalo. While ex-
posed to LW radiation, JLWEL the halo must grow (or accrete more gas) in order to replenish
the H, content, thereby becoming suitable for Pop III SF (e.g. Machacek et al.[2001; [Wise
and Abell2007; |O’Shea and Norman|2008). We show this M — Jw curve expressed as
Eq. [3;1'] (Agarwal et al.|2012), in Figure @] (from |O’Shea and Norman/[2008)), where

My ~ 4 (1.25 x10° +8.7 x 10° (47rJLW)O'47). (3.1)

In their recent pSAMs, |Valiante et al.| (2016) and |[de Bennassuti et al.| (2017) compute
the fraction of gas that can cool down and form stars in minihalos as a function of halo virial
temperature, redshift, gas metallicity and level of LW flux Jyw at which the halo is exposed.
At a given redshift, the halo mass threshold increases with Jyw. Progressively more massive
minihalos are expected to form stars at lower redshifts, at a fixed Jpw. A value Jpw < 0.1
is already high enough to suppress star formation in the less massive minihalos (< (3 —4) X
10% M) at z > 20. In good agreement with the gas collapse simulations of (O’Shea and
Norman| (2008), Pop III star formation is inhibited in < 107 M, pristine (Z = 0) minihalos
exposed to a LW flux Jiw > 1, at redshift z < 17. Stronger Jiw levels (e.g. > 10) sterilize
all pristine minihalos already at redshift z = 20

To date, observations do not provide strong enough constraints on the Pop III IMF.

ZNote that we use the term flux and specific intensity interchangeably in this Chapter where both refer to a
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Figure 3.2. The M. — Jow relation from |O’Shea and Norman| (2008)), Figure 3. The squares
represent their updated calculations while the Machacek et al.|2001] relation is depicted by the
dashed line. The empty square represent the case with Jpw = 0. If the mass of a pristine
minihalo exposed to a given Jpw, lies above the curve formed by the squares, it is considered

Pop III star forming.

On the other hand, theoretical studies provide predictions on the mass distribution of these
stars, that varies among different study (see e.g. the reviews by Bromm|2013;|Glover|2013]).

The most commonly adopted scenario in hSAMs (e.g. |Agarwal et al[[2012, 2013
Chon et al.|2016)) is to form 1 Pop III star in a minihalo, randomly picked from a top—heavy
IMF that ranges from 100 — 1000 M. For atomic cooling pristine halos, where molecular
hydrogen is still present in the central region, generally a cluster of 10 — 100 Pop III stars
are allowed to form (e.g. |Greif and Bromm)|2006; |Greif et al| 2011} 2012} |Clark et al.
2011), following the same IMF.

Regardless of the DM halo mass, massive Pop III stars with an average mass of ~

100 — 200 Mg, are allowed to form in high-z pSAMs (e.g. [Valiante et al|2011} [2014;

specific intensity in the LW band in units of 10~2'erg~!s~!cm™2Hz'sr™!

*Note that |Valiante et al.| (2016) and [de Bennassuti et al.| (2017) also investigate the dependence of the
M. i — Jrw relation on metallicity. They show that the presence of a small amout of metals does not significantly

affect the results as long as Z < 107'°Z. At higher metallicities, gas cooling and thus star formation can occur
in progressively smaller halos so that ~ 10° M, minihalos are able to form stars already at z < 20 (we refer the

readers to the original papers for more details).
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Pezzulli et al.[2016). The number of stars depends on the total stellar mass formed in each
star formation episode, and thus on the star formation efficiency and available gas mass. An
alternative scenario for Pop III star formation in pSAMs has been proposed by |Valiante et al.
(2016): Pop III stars form with an intrinsic top-heavy IMF in the mass range [10—-300] M.
Then, this IMF is stochastically sampled, on the fly, according to the time-dependent total
mass of newly formed stars. We will discuss the effect of these two different assumptions
for Pop III stars formation on the low-mass seed BHs distribution, later (in Figure [3.6).

In metal-rich halos, Pop II star formation is generally accounted for by converting a
fixed fraction of the available gas into stars. The time/redshift evolution of the gas content
is modelled either by scaling the DM halo mass with the universal baryon fraction (e.g.
Dijkstra et al.|[2008}, [2014; Habouzit et al.|2016c¢) or solving a set of differential equations
(e.g.|Valiante et al.|2011},2014,[2016; [Agarwal et al.|2012; Pezzulli et al.|2016). In hSAMs
the star formation recipes are usually calibrated to reproduce the cosmic star formation rate
density (CSFRD) observed at z > 6 (Hopkins, |2004; [Mannucci et al., 2007; Bouwens et al.,
2008; [Laporte et al., 2012). Since pSAMs are generally targeted to explain the existence of

a single quasar, the models are designed to match the observables of the quasar in question.

3.3.3 Conditions for direct collapse

The treatment of the DC scenario is now taking advantage of hybrid models where instead
of Press-Schechter merger trees, one uses a fully cosmological N-body simulation as a play-
ground for the various recipes critical to DCBH formation. One of the main advantages of
using hSAMs to study the formation of SMBHs at early times is the spatial information
that enables one to study the dependence of various processes on the halos’ physical dis-
tribution within the simulated volume. Nearby star-forming halos emit LW photons that
are able to photo-dissociate H, (Omukai, 2001; |Omukai et al.l 2008; Shang et al., 2010;
Latif et al., 2013a)and thus the spatial distance between halos is a crucial ingredient as it
controls the strength of the irradiation flux (e.g. |/Agarwal et al.[2016b). Anisotropies (fluc-
tuations) in the LW background , due to source clustering and/or proximity to the DCBH
host candidate, are indeed the key of the radiation-driven DCBH formation scenario (e.g.
Dijkstra et al.|2008; 2014} |Sugimura et al.|2014; |Agarwal et al.|2016bj Regan et al.[[2016;

2014)When a proto-galaxy is located nearby an emitting source, spatial correlation makes
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the difference. Far from the emitting source the LW photons flux seen by the target halo
is too low to affect the fraction of molecular gas which remains high. On the hand, the
halo is photo-evaporated, by ionizing radiation, if it is too close to the illuminating source
(e.g. [Regan et al.|2016). Time synchronization matters too. The time elapsed between the
starburst onset in the primary halo and the gas collapse in the companions must be short
in order to avoid halo photo-evaporation or pollution by heavy elements (e.g. |Visbal et al.
2014; Regan et al.|2017; |Agarwal et al.[2017).

We provide here an overview of the large scale feasibility of the DC model, i.e. we
do not consider studies related to the formation of individual DCBHs (see e.g. |[Latif and
Ferraral 2016 for a review), and rather discuss studies which aim at deriving statistical
properties, such as the number density of DCBH sites that form in the early Universe and
the conditions leading to them.

In order to identify a DCBH formation site within an average volume of the Universe,
one must account for the entire LW and metal pollution history of the atomic cooling halo
in question, especially taking into consideration the effects of the local environment. This is
one of the biggest strengths of hSAMs as painting galaxies on N-body simulations allows

us to compute spatial locations.

Critical LW flux

We have discussed above how (low level) LW flux can delay Pop III star formation in
pristine minihaloes. Once the halo becomes atomic cooling, i.e. when it attains a virial
temperature of Ty;, > 10* K and the primary coolant becomes atomic hydrogen (Omukai,
2000), an extremely high level of flux can completely shut down H; cooling by dissociating
these molecules in the most dense (thus efficiently self—shielded) regions (Omukail, 2001}
Omukai et al.| 2008; Shang et al.| 2010; Latif et al.,|[2013a)).

The critical level J, above which direct collapse of gas clouds into massive seeds is
enabled, is still a matter of debate and remains a free parameter for models. Assuming that
Pop III stellar populations mimic a 7 = 10 K and Pop II stellar populations a T = 10* K
blackbody, [(Omukai| (2000) computed the critical value of J.;; using their 1D spherically
symmetric gas collapse model. Since the shape of the blackbody spectrum depends on

its temperature, J.; depends on the type of the stellar population externally irradiating the
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pristine atomic cooling halo. They found JII' ~ 10*~10° and J!I ~ 10>-10? is needed from
Pop III and and Pop II populations to cause DCBH formation in a neighbouring pristine
atomic cooling halo. Revisions in this estimate followed by employing high resolution 3D
hydrodynamical simulations and better recipes for H; self—shielding, leading to an estimate
of Ji' ~ 1000 and JIL ~ 10 — 100 (Shang et al., 2010; Wolcott-Green et al., 2011} Latif
et al.,[2014; Hartwig et al., 2015).

In addition, ionizing photons and X-rays can both increase the free electron fraction
promoting H, formation (Inayoshi and Omukail2011}|Yue et al.[2014; Johnson et al.|2014;
Aykutalp et al.|2014} [Inayoshi and Tanaka||2015). As a result a higher critical LW level,
up to Jo; ~ 10* — 10°, is required (Latif et al.[2014; Regan et al.|[2014; Latif and Volonteri
2013).

Besides H, molecules, H™ ions play a critical role in pristine gas collapse as they regu-

late H, formation at densities n < 10° cm™3 via the reactions

H +e—->H +vy (3.2)

H +H->H,+e 3.3)

The importance of this network is further understood by their corresponding photo—

destruction channels

H, + YW — H+H (34)

H +9y6—>H+e 3.5

where ypw and g 76 represent the photons in the LW band and photons with energy greater
than 0.76 eV respectively. Ignoring the role of 1eV photons can lead to a gross over-
estimation in the value of LW flux required to suppress Hy cooling, as demonstrated by
Wolcott-Green et al. (201 1]). Furthermore, |Glover| (2015aljb) showed that inconsistencies in
the chemical networks and reaction rate coefficients can lead to a factor ~ 3 difference in
the determination of J;.

The assumption of representing Pop III and Pop II spectral energy distributions (SEDs)

as blackbodies was questioned by |Sugimura et al.|(2014)); Agarwal and Khochfar| (2015);
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(red dashed line)." The green dotted line is the specific intensity Jpg given by |Dijkstra
et al. (2014)). Finally, the yellow dotted line shows the average LW emission from Valiante et al.
(2016).

Agarwal et al.| (2016b) who showed that using realistic SEDs to represent stellar popula-
tions instead drastically alters the paradigm. This is because the change in the slope of a
SED with the age of a stellar population alters the rate of production of LW photons (e.g.
Schaerer|2002) with respect to 1eV photons. |Agarwal et al.| (2016b); Wolcott-Green et al.
(2017) demonstrated that indeed, one can not expect a single value of J., from a given stel-
lar population, but that it is a value dependent on the underlying stellar population’s SFH
and varies from 0.1 — 1000 in their 1D models. Needless to say, given that these studies are
very recent, this variation in the nature of J.; needs to be further explored.

In Figure [3.3] we show the global and spatial LW intensities from the [Agarwal et al.
(2012) hybrid fiducial model, and compare them to other studies. The averaged background
LW intensity, s, at a given redshift is computed as a function of the stellar mass density at

that redshift.

Joe(2) = nwp«(1+2)°

drmy

where nrw is the number of LW photons emitted per stellar baryon, and p, is the stellar
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mass density at a given redshift, z. Both quantities are linked to the stellar population, so
that Jyg = Jtl)g + ]Eg (see|Greif and Bromm|2006; |Agarwal et al.|2012| for more details). The
green dotted line is instead the specific intensity Jy, given by Dijkstra et al|(2014). The
yellow dotted line in Figure [3.3|shows the average LW emission computed in the pSAM
of (Valiante et al., 2016)) (similar values are also shown by |Petri et al.|(2012)).

As it can be seen from the figure, the global LW background radiation, Jye is always
far below the critical value for DC, J., (horizontal dashed red and blue lines). Thus, the
study of the spatial variation of the photo-dissociating emission is fundamental to identify
potential DCBH formation sites.

Ahn et al.| (2009) presented the first study of the evolution of the inhomogeneous LW
background, in which the local LW flux intensity is self-consistently computed in a cos-
mological N-body simulation, explaining its importance. Their study is based on a suite of
runs that were originally aimed at understanding reionization (Iliev et al., 2007), but was
modified to include a radiative—transfer module for LW photons. |Ahn et al.|(2009) find that
the average intensity of the LW radiation exceeds the threshold value for H,-cooling and
star formation suppression in minihalos well before the reionization process is complete.
In their scenario, both the average and local LW flux can be > 1072 already at z < 20 (see
e.g. their figure 10). As a result, Lya-cooling halos are the dominant sources of reionza-
tion while minihalos are sterilized before they can significantly contribute to the ionizing
and LW background radiation. Following this study, several other models (pSAMs and
hSAMs) pointed out the importance of LW flux fluctuations due to sources clustering in
the formation of DCBHs (e.g. Dijkstra et al.| 2008, 2014} |Agarwal et al.|2012} Habouzit
et al.|[2016c¢;|Chon et al.|2016; Pawlik et al.|[2014]).

In Figure @] we also show the values of the local LW flux, Jiocal, from single stellar
populations as computed by |Agarwal et al.|(2012) in their hRSAM volume at each redshift.
They show that while Pop III stars are never able to produce the J(I;gt in their vicinity, Pop

1
IT stars are able to produce J_,

quite easily (see [Agarwal et al.[[2012| for details). This
result was later confirmed by |Agarwal et al.| (2014); Habouzit et al.| (2016b) in their suite
of hydrodynamical runs, and by (Chon et al.|(2016).

Due to the lack of spatial information, pSAMs instead can not capture the spatial vari-

ations of Jpw with respect to the background flux as hSAMs do. However, the LW emis-
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sion from Pop III/II stars and accreting BHs is self-consistently computed, according to
their SED, as a function of stellar age and metallicity and of BH accretion rate (e.g. [Petri
et al.[2012; |Valiante et al.[2016). An important difference with respect to hSAMs is that
in pSAMs the star formation and BH accretion efficiency are usually calibrated to match
the observed SFR and BH mass of specific, single, objects (e.g. quasar J1148 in [Valiante
et al.2016). Within the biased region occupied by the progenitors of a 103 DM halo, the
computed LW flux can be interpreted as a mean value for the local fluctuations exceeding
the background level, as expected by several models (e.g. [Dijkstra et al.|2008; [Tanaka and
Haiman|2009; |Agarwal et al.|[2012}; |Dijkstra et al.|[2014)). In addition, [Petri et al.| (2012)
and |Valiante et al.| (2016) show that stellar emission provides the dominant contribution
to the photo-dissociating flux with respect to accreting BHs. For example, the global LW
emission from stellar populations in [Valiante et al.| (2016), taken as a proxy of the local
flux in their biased region (orange dotted line Figure [3.3), is in good agreement with the
maximum local Pop II LW flux, at z < 11 (red triangles), and with the large scatter in the

maximum local Pop III flux, at larger redshifts (blue crosses), from|Agarwal et al.| (2012).

The role of metal enrichment

As the first generation of stars form in the Universe they also create the first wave of metals
that provide the conditions for Pop II star formation (e.g. Mackey et al.|2003} |Greif et al.
2007; 'Whalen et al.|[2008; Joggerst et al.|2010; Ritter et al.|[2012). Thus, it is critical to
understand metal pollution in terms of both in—situ and external effects. The chemical
enrichment of a given halo is indeed the result of the ongoing and past star formation
(i.e. metals and dust produced by stars in the parent galaxy and/or its progenitors) as well
as contamination by infalling material from outside the halo (galactic winds). Both self-
enrichment and winds play a role in setting the conditions for seed BH formation.

As we have seen above, several models (both pSAMs and hSAMs) point out that DCBH
regions are expected to be close to star-forming galaxies, in order to maintain a low abun-
dance of H;. These are also the first regions which are exposed to metal-pollution from
galactic winds driven by SNe and AGN.

Although|Agarwal et al.|(2012) do not explicitly consider galactic winds in their model,

their results on the number and environment of DCBH sites were in good agreement with
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the FiBY suite of hydrodynamical simulations (Agarwal et al., 2014) that did include ex-
ternal metal pollution. This suggests that, for the assumed J., = 30, the DCBH popula-
tion is not significantly affected by winds. Using their analytic approach |Agarwal et al.
(2017) find that even with instantaneous metal mixing, the metal outflows (e.g. due to SN
winds) from the irradiating galaxy are unable to prevent the advent of isothermal collapse
in the neighbouring DCBH halo. The external atomic cooling site has sufficient time to
undergo isothermal collapse in the presence of the LW radiation field before being polluted
toZ > Z..

Dijkstra et al|(2014) explore the effect of metal pollution by both SN-driven galactic
outflows and genetic enrichment on the DCBH formation probability by computing the size
of regions that can be enriched with metals transported by galactic SN-driven winds and the
probability that a halo remains metal free (i.e. it do not inherit metals from its progenitor
halos). They show that external metal pollution sterilizes DCBH host candidates on a scale
of < 10 kpc. The results suffer from the lack of spatial information in their pPSAM.

The effect of galactic winds has been recently confirmed by [Habouzit et al.| (2016c).

In their model, DC is enabled in the vicinity of ~ 10! My star-forming halos, that can
provide a high enough radiation intensity (Jpw > Jor = 100, see their Figure 3) to halos
at a distance of ~ 15 — 20 kpc at z > 15, without polluting them. In other words when the
expanding metal rich bubbles created by SN explosions are still smaller than the regions
irradiated by a strong intensity.
By means of a set of differential equations Valiante et al.|2011}, 2014, 2016|self-consistently
follow the global life cycle of the mass of metals and dust in the ISM of J1148 progenitor
galaxies taking into account the metal pollution (infalls) of the external medium due to both
SN- and AGN-driven winds. They find that a more efficient self-enrichment of galaxies
within a merger tree, with the respect to the average genetic pollution history, may prevent
the formation of DCBHs progenitors before the LW flux exceeds the critical threshold,
while infalling metals are responsible for the super-critical enrichment of newly virialised
halos (see e.g. |Valiante et al.[2016)).

It is worth noting that, metal mixing is an extremely complicated topic. The time scale
for metals escaping their host halo and mixing with the gas of the halo being polluted is not

fully understood (e.g. |Cen and Riquelme|(2008)); Wise and Abel|(2008);[Smith et al.|(2015));
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Chen et al. (2016)). Additionally, the escape of metals from their parent halo depends on
the wind—escape—velocity and the potential well of the halo (Muratov et al., [2015} Smith
et al.l 2015)).

Metal-enrichment is indeed predicted to be very disparate in the early Universe, but
some halos could remain metal-free down to z ~ 6 (Tornatore et al., |2007; |[Fumagalli et al.,
2011; [Pallottini et al., 2014). The fraction of metal-free halos, or at least halos below the
critical metallicity to avoid fragmentation, depends on chemical and mechanical processes
(Schneider et al., [2006alb). Detailed prescriptions of the effects of inhomogeneous enrich-
ment as well as of the physical properties of metal winds escaping from star—forming halos
can not be easily modelled in either pure or hybrid SAMs. However cosmological hydrody-
namical simulations can self-consistently track the evolution of metal-enrichment over the
entire simulated volumes (Latif et al., 2016; |Agarwal et al., 2014} [Habouzit et al., 2016b).

Summarizing, the combined effect of chemical and radiative feedback sets the condi-
tion for the formation of both low-mass and high-mass seeds as it regulates Pop III/II star
formation in all halos and determines the fraction of atomic cooling (Ly@) halos that can
potentially host DCBHs at later times. As long as the build up of a super-critical Jyw

precedes the efficient metal pollution, DCBH formation can occur in atomic cooling halos.

3.3.4 DCBHs number density

Over the past few years, the question of the number density of DCBHs has become a topic
of great interest, and has led to values that span several orders of magnitude, from ~ 107!
to 107 cMpc 3.

Here we compare the results of both hSAMs |Agarwal et al.| (2012)); Habouzit et al.
(2016¢) and pSAMs of Dijkstra et al.[ (2008, |2014); |Valiante et al.| (2016). We include
DCBH number densities from the |Agarwal et al.| (2014) and |Habouzit et al.|(2016b) hydro-
dynamical simulations as they offer a direct comparison of semi-analytic and hydrodynamic
approaches.

Dijkstra et al.| (2008)) compute the probability distribution function of the LW flux at
which DM halos are exposed to at z ~ 10 taking into account their clustering properties.
They find that only a small fraction, < 107°, of all atomic cooling halos are exposed to a

LW flux exceeding the assumed critical threshold, Jiw > 10% and thus derive a number
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density of < 107 cMpc~2 potential DCBHs hosts.

In contrast, using a semi-analytic model on top of a cosmological N-body simulation,
Agarwal et al.| (2012) find a higher number density, in the range 102 — 10~! cMpc =3 for
Jerit = 30 (their fiducial model), even accounting for in—situ metal pollution from previous
star formation events.

In their fiducial model, Dijkstra et al.| (2014) include star formation in atomic cooling
halos (but do not include minihalos), metal pollution from progenitor halos and galactic
outflows and estimate npcgy ~ 1072 — 107° chc‘3 between z = 20 and 7. They explore
the dependence of their predictions on model assumptions, such as the value of LW photons
escape fraction and critical flux for DC, underlying the important effect of galactic winds
decreasing the number density by several orders of magnitudes. The fraction of LW photons
escaping from galaxies, and contributing to the photodissociating background radiation,
indeed plays a crucial role in this scenario. However the LW escape fraction is still highly
uncertain (may increases from 0 to 1 depending on halo and stellar mass) and strongly
dependent on the ionization front propagation (e.g. [Kitayama et al.|[2004; Schauer et al.
2015} 2017a)

More recently, [Habouzit et al.|(2016c) find a number density of DCBH regions in the
range 1077 —=5x107% cMpc =3, consistent with what found by |Dijkstra et al.[(2014). A factor
of 2 higher number density can be found in cosmological N-body simulations in which
primordial fluctuations are described by a non-Gaussian distribution. In addition they also
estimate the Pop III remnant BHs number density, being about 2 order of magnitude higher
than that of DCBHs, although they do not resolve minihalos in their simulations. Similar
values are found in hydrodynamical simulations by Habouzit et al.| (2016b) for different
box sizes and resolutions.

In their pSAM aimed to study the role of Pop III remnant BHs and DCBHs in the
formation of a z ~ 6 SMBH, |Valiante et al.| (2016)) predict an average number density
of ~ 1077 cMpc~ DCBHs. These are the DCBHs expected to form in J1148 progenitor
galaxies, along the hierarchical history of a 10'3 My DM halo. As we will discuss later,
only a fraction of these high-mass seeds eventually end in the final SMBH, driving its fast
growth.

In Figure [3.4] we show a collection of DCBH number densities derived from some
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of the studies discussed above. Symbols represent different radiation intensity thresholds:
squares refer to Jwcrit = 30, circles to Jowerit = 100, and triangles to Jpw e = 300.
The figure is taken from |Habouzit et al.| (2016b) who compare the results of semi-analytic
studies by Dijkstra et al.| (2014) (dark gray symbols) with hydrodynamical simulations:
one of the the FiBy simulations based on the smoothed particle hydrodynamics (SPH) code
GADGET (e.g. [Springel et al.|[2005)) presented by |Agarwal et al.| (2014)) (light grey crossed
square at z = 10.5); two runs of the 10 cMpc box Chunky simulation with a collapse times
scale equal to 10 Myr (purple symbols) and to the halo free fall time, ¢ (orange square); the
large-scale (142 cMpc side box) cosmological simulation Horizon-noAGN (cyan symbols,
Dubois et al.[2014b; |Peirani et al.|2016)). We refer the reader to the original paper Habouzit
et al.| (2016b) for a detailed discussion. We have included in this figure the predictions by
Agarwal et al.|(2012) in the z = 7 — 10 redshift range (light gray squares) and Valiante et al.
(2016) at z = 18 and 15 (black triangles). Finally, the horizontal blue solid line show the
SMBH number density observed at z ~ 6 of 1 cGpc™>.

Consensus between different studies

One of the most restrictive ingredient of the DC scenario is the absence of H, (through
both H; destruction and prevention of H, formation) to keep the gas temperature and thus
the Jeans mass high enough to avoid the fragmentation of gas clouds. This should favour
the formation of only one massive object. As mentioned in Section 2, the exposure to a
strong LW radiation is one of the possible way to strongly depress H, abundances (Omukail,
2000; (Omukai et al., 2008; Shang et al., 2010). From |Ahn et al.| (2009), we have under-
stood that the spatial variations of the radiation intensity, driven by LW photons able to
photo-dissociate Hy, was certainly a key requirement of the scenario. Most of the models
for the radiation intensity include now a spatial varying component based on local photo-
dissociating sources. The radiation intensity is either computed directly from stellar par-
ticles according to their age, distance, and redshift (Agarwal et al., 2012, 2014} Habouzit
et al., 2016b)), or from the stellar mass painted on DM halos (Dijkstra et al., 2014} Habouzit
et al., 2016c¢; |Chon et al., 2016).

Moreover, the critical radiation flux needed to destroy Hj, seems to be driven mainly by
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Figure 3.4. Comoving number density of halos that can host a DCBH, at a given redshift. Symbols
represent different radiation intensity thresholds. Squares: Jpw cric = 30, circles: Jiw i = 100,
triangles: Jiw it = 300. The horizontal solid blue line show the comoving number density of
Z ~ 6 SMBHs. The light gray crossed square at z = 10.5 is from the hydrodynamical simulation
by |Agarwal et al.| (2014), the light gray squares in the range z = 10 — 7 are from |Agarwal
et al.| (2012) (private communication), dark gray squares and black triangles are the results of
Dijkstra et al.| (2014)) and [Valiante et al| (2016), respectively. The orange square shows the
number density for|Habouzit et al.| (2016b) (10 cMpc side box, tg, see text). The purple squares
and circles show the number density for|[Habouzit et al.[|(2016b) (10 cMpc side box, 10 Myr, see
text). The cyan squares, circle and triangle represent the large-scale cosmological simulation

Horizon-noAGN (Dubois et al.} 2014b; Habouzit et al., 2016b}, 142 cMpc side box).

Pop II stars. This is supported by three main ideas. First of all, the LW radiation back-
ground created by Pop III stars emission, impacts their surrounding by photo-dissociating
molecular hydrogen. Cooling rate decreases, which delays the gas collapse, and this vi-
cious circle lowers and delays the formation of new Pop III stars at later time (O’Shea and
Norman, 2008} Johnson et al.l [2012). The life time of Pop III stars is also thought to be
short (~ 10 Myr), it could be too short for providing a high LW radiation intensity during
the whole free-fall time of a dark matter halo. One can compute the redshift at which the
free-fall time is approximately equal to ~ 10 Myr, and finds z ~ 45. This means that a halo
illuminated only by Pop III radiation, could form a BH only at very early times, around
z ~ 45. Finally, the intensity of Pop III radiation itself may be not enough to provide the

critical radiation intensity commonly assumed for the DC model (O’Shea and Norman,



60

2008; |Agarwal et al., [2012). In Figure @] (reproduced from |Agarwal et al.| [2012), we
show the distribution of the local varying radiation intensity seen by pristine halos at z = 16,
before the formation of the first Pop II stars, and z ~ 9, after their formation. Radiation
intensity from Pop III stars is shown in blue, and from Pop II stars in red. Dashed lines
indicate the critical radiation intensity expected for Pop III stars (in blue) and Pop II stars
(in red). Pop III stars radiation intensity appears to be almost always below the critical
intensity (below the corresponding red dashed line), whereas a majority of pristine halos
under Pop II stars radiation flux can meet the critical radiation intensity condition. The dis-
tribution of radiation intensity to which halos are exposed to, is in good agreement between
various studies, using similar methods and LW radiation modellings (Agarwal et al., 2012}
Chon et al., [2016)), or different approaches (Dijkstra et al.| 2008).

Finally, all studies agree that metal-pollution from both heritages, previous episodes
of star formation in halo progenitors and galactic winds from nearby halos, could play a
fundamental role. Galactic winds could sterilize potential DCBH regions by enriching them
in metals, on a scale of < 10kpc, thereby reducing their number density (Dijkstra et al.|
2014). The process is a complex interplay of metals mixing in a gas medium of varying
density, the propagation of metals in the IGM, and the winds launching out from their host
halo (Cen and Riquelmel, 2008}; Smith et al., 2015)). |/Agarwal et al. (2017)) recently devised
a semi-analytical model working under worst case assumptions for DCBH formation under
the influence of metals originating from neighbouring galaxies that provide the necessary
LW flux. Even after assuming an extremely short (300 pc) separation between their DCBH
candidate halo and external LW sources, and instantaneous metal mixing, they find that
the metal mixing is insufficient to shut down DCBH formation. This is because during the
time window when the target halo can form a DCBH, its metallicity remains well below
the critical threshold above which SF is expected (Omukai et al.l 2008}, Latif and Ferrara,
2016).

Why do we have a spread in the number density

The large diversity of models (modelling of the photo-dissociating radiation intensity, and
metal-enrichment, for example), methods (pSAMS, hybrid with DM only simulations, or

hydrodynamical ones), set-up of simulations (star formation, SN feedback), used to esti-
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Figure 3.5. Distribution of local radiation intensity (Agarwal et al.,|2012) seen by pristine halos at
z = 16 (top panel), before the formation of Pop II begins, and later on at z ~ 9 (bottom panel)
when Pop I1 is already in place. fs is the number fraction of pristine halos exposed to a given
Juw. Radiation intensity from Pop III stars is shown in red, and radiation intensity from Pop II
stars in blue. Dashed lines indicate the critical radiation intensity expected for Pop III stars
(in red) and Pop II stars (in blue). Pop III stars radiation intensity appears to be almost always
below the critical intensity (below the corresponding dashed line), whereas a fraction of pristine

halo illuminated by Pop II stars radiation flux can meet the critical radiation intensity condition.
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mate the number density of DCBH regions, complicate the task of comparing their results.
Despite the fact that all the studies presented here seem to agree pretty well, several of the
models use different assumptions. In this section, we identify the main differences between
the different models.

Habouzit et al.| (2016b) perform a comparison between the SAM model of |Dijkstra et al.
(2014) and the hybrid model of |/Agarwal et al.| (2014), and find that compared to hydrody-
namical simulations, Dijkstra et al.|(2014)) overestimates the stellar mass that form in halos.
In the opposite, IDijkstra et al.| (2014)) underestimate the number of galaxies that contribute
to radiation, and the extent of metal polluted bubbles (the latter can vary strongly depend-
ing on the stellar mass going SN, and the medium properties). In some cases, the different
assumptions compensate each other, and lead to the same estimate of the number density

of the potential DCBH host halos (Habouzit et al., 2016b)).

Differences between models using dark matter only simulations and models from hy-
drodynamical simulations can be studied by comparing |Agarwal et al.[|(2012) (distribution
of halos from a dark matter simulation) and |Agarwal et al.| (2014)) (hydrodynamical simu-
lation). The number density derived by |Agarwal et al.[{(2012) is shown in light gray squares
in Figure [3.4] whereas the number density from [Agarwal et al| (2014) is represented in
crossed square point in Figure [3.4] [Agarwal et al| (2014) is an improvement of |Agarwal
et al.| (2012)), because now, thanks to the hydrodynamical output, the model takes into ac-
count self-consistently cooling of halos, metal-enrichment through SN feedback, molecular
dissociation and photo-ionization.

As discussed above hSAMs are largely adopted to study the feasibility of the DCBH
formation scenario. However, one would eventually want to know whether these high-mass
seed BHs, that formed at early times, can actually grow and form the population of quasar
we see at z = 6, and under which conditions this is possible (accretion, galaxy-galaxy

mergers, super-Eddington episode, and so on).

Most of the studies discussed in this review provide upper limits on the number density
of DCBHEs, because they are not able to follow all the physical processes from the selection

of dark matter halos to the collapse of the gas to form a BH. However, they seem to all
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show that the DCBH number density is higher than the observed number density of quasars
at high redshift, 107 chc‘3, horizontal blue line in Figure (Fan et al.|2006; Mortlock:
et al.[2011). If a higher critical flux is required for DCBH formation (J.;i¢ > 100), as it is
actually found in 3D zoom-in simulations, then Dijkstra et al.[(2014)) (see also |Habouzit
et al., 2016b, with the large scale simulation Horizon-noAGN) show that the upper limit on
the DCBH number density is sufficient to reproduce the population of quasars. However,
such high critical values do not explain the population of less massive BHs that we observe
today in more normal and low-mass galaxies (Greene, 2012; Reines et al., [ 2013)).

On the other hand, smaller simulation boxes that resolve minihalos and include a more
developed chemistry network, have lead to the derivation of higher DCBH region number
density, particularly because they impose a lower critical radiation intensity (Joi = 30)
(Agarwal et al., 2012, [2014). Such low values of the critical intensity could suggest that the
DC scenario may also be able to seed the more normal galaxies. Recently, Habouzit et al.
(2016b) show that this also strongly depends on SN feedback implementation, and that to
explain BHs in normal galaxies, a weak SN feedback is required.

Although large progress has been made, both in terms of pure SAMs and hybrid models
to investigate the DC scenario, owing to the the large spread in the number density of DCBH
regions derived, and the uncertainty in the nature of the critical LW radiation intensity, it is
still unclear if the DC scenario can produce enough BHs to explain the population of high
redshift quasars.

Regarding the target of this review, high redshift quasars, a natural follow up of these
studies would be to follow the growth of the BHs, modelling the accretion and feedback
as a function of host halo merger history. To this aim, a number of semi-analytic studies
have been developed so far (see Section [3.2)). In the following part of this Chapter we will

review state-of-the-art results on the growth of z ~ 6 SMBHs and their host galaxies.

3.4 From seeds to the first quasars

Several studies have investigated the early growth of SMBHs starting from either low-
mass or high-mass seeds (see reviews by e.g. [Volonteri||2010; [Natarajan|[201 1} |Volonteri

and Bellovary|2012} [Haiman|2013}; Johnson and Haardt[2016)). In these models, SMBHs
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Figure 3.6. Distribution of the average number of seed BHs as function of the DM halo mass from
different seeding prescriptions adopted in pSAMs: (i) equal-mass 100 M, low-mass seeds (left
panel) and (ii) (10-140) and (260-300) M, Pop III remnant BHs (middle panel) plus 10° M,
high-mass seeds (right panel). Histograms and data points show the number of total (in lighter
colors) and real SMBH progenitors (darker histograms, see text). Error bars account for the 1o
dispersion. The figures are adapted from (Pezzulli et al.,|2016) and (Valiante et al., 2016). The

average redshift range in which seeds form, according these two models, is given in each panel.

growth is driven by both gas accretion and mergers with other BHs. In this section we
briefly review the most recent studies of the hierarchical assembly of a quasar and its host

galaxy, as described by pSAMs.

3.4.1 Low-Mass vs high-mass seeds

In Figure [3.6) we show the distribution of the number of seed BHs formed along the hier-
archical build up of a z ~ 6 quasar (i.e. in its progenitor galaxies) as a function of the host
DM halo mass. In the left panel we show the number of equal mass stellar BHs, low-mass
seeds of 10? M, assumed to form in newly virialized halos, as long as they are metal poor,
Z < Zy = 10738 ie. at z > 20, as predicted by [Pezzulli et al. (2016)). The other two panels
instead are for a mixed-seed-based seeding prescription (Valiante et al,[2016): (40 — 140)
and (260—300) Mg, Pop III remnant BHs (middle panel) plus 10° M, high-mass seeds (right
panel), forming along the same merger history. In this scenario the formation of low-mass
and high-mass seeds is simultaneously explored thus, allowing to directly compare the role
of the two channels in the formation of a SMBH. In all panels, histograms and data points
are obtained by averaging over 29(10) different merger histories of the 10'3 My DM halo

in the low-mass-seed(mixed-seed) case, with error bars showing the 1o dispersion. Both
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prescriptions have been adopted to model the quasar, J1148 at z = 6.4, with a SMBH of
2-6)x10° Mg, (Barth et al.|2003; |Willott et al.[2003; |De Rosa et al.|2011). As we dis-
cussed in the previous sections, the number, redshift and typical host halo mass of both
low-mass and high-mass seeds is determined by the interplay between the early chemical
enrichment — due to metal-rich infalling gas from the external medium, polluted by SN-
and AGN-driven winds from other galaxies — and the intensity of the LW radiation (from
both stars and accreting BHs) to which the halos are exposed.

The inclusion of radiative feedback effects results in a less efficient and slightly slower
metal enrichment, enabling Pop III stars to form on average down to lower redshift, e.g.
z ~ 16 in the model shown on Figure [3.6] As we see in the right panel of the Figure,
DCBH form in 107 — 108 M, progenitor halos (and in the narrow redshift range 15 — 18,
see |Valiante et al.|2016| for details), consistent with what is expected from their formation
theory and the findings of Bellovary et al.| (2011); |Agarwal et al.| (2012)); Habouzit et al.
(20164a); /Chon et al.| (2016)).

In their pSAM, Petri et al| (2012) combine both low-mass and high-mass seeds to in-
vestigate their relative role in the formation of SMBHs in a pSAM. They explore the de-
pendence of the resulting SMBH evolutionary scenario on the fraction of halos (exposed
to a LW flux J; > 10°) that can actually host DCBHs. A 10° — 10'° M, BH is formed at
z ~ 6 if at least (1 — 10)% of all the halos host a high-mass seed (see their Figs. 4 and 9).

For a critical LW threshold J > 300 |Valiante et al. (2016) predict an average high-
mass seeds occurrence ratio (the number of galaxies with Z < Z; when Jiw > J. divided
by the number of all the halos exposed to a flux Jpw > Jo) of ~ 5% at z > 15. This suggests
that chemical feedback plays a dominant role in determining of the birth environmen

Recently, Schauer et al.| (2017b) explore the effects of baryonic streaming velocities
on minihlaoes, offering an alternative pathway to inhibit Pop III star formation before the
pristine halo reaches the atomic cooling limit. (Chon et al.|(2016) combined a semi-analytic
model for galaxy formation with halo merger trees extracted from N-body DM simulations
to select possible DCBH hosts among atomic cooling halos. By means of zoom—in cosmo-

logical hydrodynamical simulations of the selected halos, they explore the evolution of gas

“Indeed, if for example, a factor of ~ 4 higher J,, is assumed in this model, the formation of high-mass

seeds is completely suppressed by chemical feedback.



66

collapse in the DCBH sites. They mostly follow the approach of |Agarwal et al.|(2012) but
bring a previously unexplored effect to light: tidal gravitational fields affecting gas collapse.
They show that unless assembled via major—mergers, their DCBH sites do not survive the
tidal fields and get disrupted before an isothermal collapse can ensue at gas densities of
n > 10 cm™3. A DCBH occupation fraction of ~ 5% (2 out of the selected 42) is found in

this study, in good agreement with the pSAM of [Valiante et al.|(2016)).

3.4.2 The role of mergers and BH dynamics

Merger events can serve as an important physical process that drives the growth of BHs.
However, binary (or multiple) BH interactions, driven by dynamical friction, are quite com-
plex, multi-scale processes. The physical scales of interest span from sub-pc scales of the
Schwarzschild radius (e.g. ~ 107! pc for 100 — 300 My, BHs and ~ 1078 — 1077 pc for
BHs of 10° — 10° M) up to the Mpc scale of the host galaxy mergers. In addition, the
mechanism leading to BH-BH mergers, the time it takes for BHs to coalesce via gravita-
tional wave (GW) emission, and the relation between the end—state of the merger and the
properties of the respective host galaxies, are still open questions.

However, SAMs aimed to study the formation and evolution of SMBHs trough cosmic
time usually adopt simple prescriptions to account for the contribution of mergers to the
BH growth (see e.g. [Tanaka and Haiman|2009|and references therein).

In major mergersE] BHs follow the fate of their host galaxies, coalescing to form a
more massive BH. However, during this process, a large center-of-mass recoil (kick) can
be imparted to the newly formed BH as a consequence of asymmetric gravitational wave
emission (e.g. |Campanelli et al.|[2007; |Schnittman et al.|[2008}; [Baker et al.|2008). The
acquired kick velocity can be as large as ~ 100 kms~!, enough to eject the coalesced binary
out of the host galaxy (see e.g. [Yoo and Miralda-Escudé [2004; [Volonteri and Rees|[2006j
Tanaka and Haiman|[2009; [Barausse|2012| and references therein for details). On the other
hand, in minor mergers one of the two merging BHs, usually the least massive one, is

assumed to remain as a satellite in low-density regions, without accreting or contributing

SUsually major and minor mergers are defined according to the mass ratio of the two merging DM halos
(e.g. [Tanaka and Haiman|2009|and reference therein). For example, a mass ratio higher than 1 : 10 is assumed

by |Volonteri and Rees|[2006| to identify major merger events.
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to the growth of the final BH.

The effective number of seed BHs from which a SMBH forms depends on these as-
sumptions. |Valiante et al.| (2016) predict that only ~ 13% of the low-mass and high-mass
seeds in their model (darker histograms in middle and right panels in [3.6) contribute to the
final mass of the SMBH of J1148, at z = 6.4, as a large fraction of BHs is lost due to minor
mergers.

A similar fraction, ~ 15% (indicated by the darker histogram in the left panel) is left
by taking into account the combined effect of minor mergers and gravitational recoil on
growing low-mass seeds. On average, ~ 56% satellites BHs are lost along the entire merger
tree in minor mergers while ~ 32% of the coalescing BHs, in major merger events, gain a
recoil velocity large enough to exceed the retention speed, being kicked out of the galaxies
(Pezzulli et al.|2016; a much larger fraction, ~ 99% is found by [Volonteri et al.|2003)).

The effect of BH recoil due to gravitational wave emission during BH mergers has
been also studied by [Sijacki et al.| (2009). They resimulate the most massive z = 6 DM
halo extracted from the Millennium simulation in order to study the effect of BH mergers
(Blecha et al.,2016) in the growth of high redshift massive BHs. A SMBH of 10°—10'% M,
is produced in an Eddington-limited scenario, by planting massive BH seeds of 10° Mo, in
DM halos with masses 10°7!9 Mg at z=15. They find that if the initial BH spin is high
the growth of mostly isolated (only a small number of mergers occur) massive BHs is
hampered. However, BH kicks substantially expel low-mass BHs, and thus do not affect
the overall growth of the SMBHs.

BH mergers are found to play a minor role in the formation of the first SMBHs (at
relatively lower redshifts), in pSAMs (e.g. Fig 6 in |Pezzulli et al.[|2016) and recently in
hydrodynamical simulations like MassiveBlack and BlueTides (e.g. [Feng et al.| (2014); D1
Matteo et al.|(2016))).

Mergers between BHs drive the black hole mass assembly only at high redshifts (but see
Petr1 et al.|2012). For example, although driving the BH growth process at z > 11, BH-BH
coalescences contributes to less than 1% of the J1148 final BH mass at z = 6.4 (Valiante
et al.l [2011)). Similarly, in|Valiante et al.|(2016), BH mergers (of mainly low-mass seeds)
are predicted to drive the BH growth down to z ~ 15, before the gas accretion regime

triggered by the formation of the first high-mass seeds, sets in.
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Conversely, in the large-volume, cosmological hydrodynamical simulation Horizon—
AGN (box size of 100 4~! Mpc and resolution mass of 8 X 107 M) Dubois et al.| (2014a)
show an accretion-dominated BH growth at high redshift, while in the older Universe, the
galactic centers tend to be less gas-rich, and, thus, the mass growth of the central BHs
is mostly driven by mergers. In addition, a demographic study of BHs has been recently
carried out by |[Volonteri et al.| (2016b)) within the same simulation. They show that the
fraction of BH host galaxies is higher at higher stellar masses and that multiple BHs are
hosted in the most massive halos as a consequence of merger events. A population of dual
AGN, a central and an off—center accreting BH, is found in the simulated halos.

Recent ALMA observations presented by [Trakhtenbrot et al.| (2017a) have revealed a
large number, ~ 50%, of massive star forming galaxies interacting with quasar hosts (within
< 50 kpc scales). The authors argue that this may support the idea of major merger-driven
growth playing an important role in the formation of SMBHs in high redshift quasars, at
least those showing sub-mm galaxy (SMG) companions. The z ~ 5 quasar in the sam-
ple shows similar properties in terms of BH mass and bolometric luminosity but varies in
terms of host galaxy properties (see Netzer et al.[2014; [Trakhtenbrot et al.[2017alfor details
on the sample), suggesting different accretion mechanisms may be operating in different

environments.

3.4.3 The role of gas accretion

Semi-analytic techniques have been largely employed to study the role of different gas
accretion regimes and/or the effect of dynamical processes in the early growth of SMBHs
(e.g. [Volonteri et al.| 2003} 2005} Begelman et al.|[2006|[Volonteri and Rees|[2005; 2006
Tanaka and Haiman|2009, [Volonter1 et al.[[2015).

Volonteri and Rees| (2006) show that the observed high-z SMBH masses can be re-
produced starting from low-mass seeds (~ 100 M) if they accrete gas at super-Eddington
rates, at early stages. Super-Eddington accretion is a selective and biased process, oc-
curring only for a small fraction of BH seeds if they form in metal-free atomic cooling
(Tyir > 10*K) halos (e.g. |Volonteri and Rees, 2005 |2006).

Gas accretion rates that are 10* times higher than the Eddington rate can be reached by

low-mass seeds in super-Eddington models (e.g. [Volonteri and Rees|2005| [Pezzulli et al.
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Figure 3.7. The growth of a low-mass seed BH mass as a function of redshift in different regimes:
Eddington-limited gas accretion with radiative efficiencies € = 0.1, 0.2, 0.4 (solid, short-dashed
and dot-dashed lines, respectively); super-critical accretion (long-dashed line). The figure is

taken from |Volonteri and Rees| (2006)).

2016| and references therein). However, mildly super-Eddington intermittent accretion at
~ 3 — 4 Mggq (or in general < 20 Mgaq) may be efficient enough to grow a SMBH in less
than 800 Myr (at z ~ 7) starting from a single (e.g. [Madau et al.[|2014, see their Figure 2)
or a population (e.g. |Pezzulli et al |2016] see their Figure 5 ) of 100 My BH seeds.

In Figure [3.7] we show the plot presented by [Volonteri and Rees| (2006) to illustrate
the SMBH mass growth along the merger tree of a 10'3 My, halo at z = 6. The figure
depicts the effect of different accretion regimes and/or radiative efficiencies on the mass
assembly of a ~ 100 M seed that starts accreting at z = 24: Eddington-limited with a
radiative efficiency € = 0.1, 0.2, 0.4 (solid, short-dashed and dot-dashed lines, respectively)
and super-Eddington (long-dashed line). Radiatively efficient gas accretion disks (e > 0.1)
strongly limit the growth of their BH, even while accreting continuously at the Eddington
rate.

The requirement for episodic, radiatively inefficient, super-critical gas accretion onto

stellar mass seed of 20 — 100 M, is supported by sub-pc resolution hydrodynamical simu-
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lations presented by [Lupi et al.|(2016). They compare two different methods, the Adaptive
Mesh Refinement technique used in the code RAMSES, and the Lagrangian Godunov-type
method adopted in GIZMO. In addition, three-dimensional radiation magneto-hydrodynamic
simulations suggest that super-Eddington accretion flows can drive the rapid growth of low-
mass BHs simultaneously, enabling high levels of both radiative and mechanical feedback
Jiang et al.| (2014). On the other hand, super-critical accretion onto low-mass BH seeds is
not supported by radiation hydrodynamic models for BH formation in HII regions, which
instead suggest rather low rates of accretion, below (or at most close to) the Eddington limit
(e.g. Milosavljevic¢ et al.[2009alb; |Park and Ricotti|[2011};[2012; 2013)).

Very recently, the analysis of a sample of 20 quasars, including ULAS J1120 and SDSS
JO100 at z > 5.8 presented by [Trakhtenbrot et al.| (2017b)) suggest that the inferred BH
masses and luminosities can be naturally explained by means of a classical thin accretion
disk model, with radiative efficiencies in the range [0.04-0.4] and sub-Eddington accretion
rates. This support the idea that super-critical growth may have occurred at earlier cosmic
epochs (z > 10, e.g. |[Pezzulli et al.|2016).

Super-Eddington gas accretion regime is not only adopted for low-mass seeds growth.
In their recent analytic model, Volonteri et al.|(2015) show that galactic inflow rates as high
as 1 — 100 My /yr may trigger a sequence of fast (10* — 107 yr) episodes of super-critical
accretion, onto both low-mass or high-mass seeds, at rates which are 10? — 10* times larger
than in the Eddington-limited scenario (see their Figure 2). As a result of these intermittent
phases of short super-Eddington gas accretion a SMBH can be produced.

In the super-Eddington scenarios, the radiatively inefficient slim disk model (Abramow-
icz et al.,|1988) ensures that even in the presence of hyper-Eddington accretion (>> 20Mg4q)
the bolometric luminosity of the accreting BH is only mildly super-Eddington, Lyo/Lgdq <
(2 — 4) (e.g. Mineshige et al.[2000; [Volonteri and Rees|2006; Madau et al.[2014} |Volonteri
et al.|2015;; [Pezzulli et al.|2016)).

In Eddington-limited gas accretion scenarios, in which the BH can accrete at most at the
Eddington rate, the formation of high-mass seeds, enabled by the LW radiative feedback
is crucial to explain the fast growth of z ~ 6 SMBHs (see e.g. |Johnson et al.[2013} the
recent pSAMs of Petri et al.|[2012; |Valiante et al.[2016] and the review by Johnson and

Haardt|2016). In their mixed-seed-based model |Valiante et al.| (2016]) determine the relative
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contribution of low-mass and high-mass seeds to the final BH mass of J1148. They report
that efficient Eddington-limited growth relies on the formation of ~ 1 — 10 high-mass seeds
in order to produce the expected SMBH mass at z = 6.4. If high-mass seed formation is
prevented, the predicted final BH mass does not exceed ~ 10% M, thus warranting the need
for super-Eddington accretion in the low-mass seeds scenario.

Finally, a new cosmological semi-analytic model for galaxy formation, including the
growth of SMBHs within a large box size (1.12 cGpc h~!) N-body simulation (hSAM),
has been presented by Makiya et al.[|(2016). Their model is currently tuned to reproduce
the properties of local galaxies. Using this simulation, |Shirakata et al|(2016) suggest that
stringent constraints on the seed BH mass, may come from less massive bulges observed at
z ~ 0, rather than the high redshift BH-bulge mass relation. Their study suggests that the
mass of BHs observed in ~ 10° M, bulges is overpredicted if only seeding by high-mass
seeds (10° M) is considered. Such small stellar mass bulges instead favour seeding by
smaller seed BHs (10° M) or a mixed population of seed BHs randomly distributed in the
mass range 10° — 10° M,

Numerical simulations of equal-mass protogalaxies encounters show that merger-driven
gas inflows are able to trigger the formation (without requiring the suppression of star for-
mation) and rapid growth of a massive BH Mayer et al.| (2010) as well as of actively ac-
creting SMBH binaries Mayer et al.| (2007). Recently, a suite of high spatial resolution
simulations (~ 10 pc) have been devoted to study the effect of galaxy mergers on BH ac-
cretion, as a function of the initial merging galaxies’ mass ratio, orbital configuration and
gas fraction. These different stages of galactic encounters is described in (Capelo et al.
(2015). They confirm that more efficient BH accretion is induced during galaxy mergers
with the initial mass ratio being the most critical parameter affecting BH accretion and
AGN activity.

In the simulations presented by [Feng et al.| (2014)); D1 Matteo et al.| (2016) the rapid
growth of BHs, occurring in bulge dominated galaxies, is driven by large scale filamentary
cold gas accretion, rather than by major gas rich mergers. [Feng et al.|(2014) extract 3 DM
halos from the cosmological hydrodynamical simulation MassiveBlack, hosting 10° M,
BHs and re-simulate them with zoom-in techniques. They find that dense cold gas is able

to sustain accretion. During the accretion phase at the Eddington rate, the cold gas directly
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feeds the BH, while in the sub-Eddington phase (that they find for z < 6), the accretion disc
is disturbed and disrupted by feedback. A recent numerical simulation, including X-rays
radiation transport, presented by [Smidt et al.| (2017) suggest that both the SMBH observed
in ULAS J1120 and SDSS J0100 (at z ~ 7 and z = 6.3, respectively) can form from 10° Mo
BH seeds (planted at z = 19.2) growing via cold accretion streams. The models reproduce
the observed properties of the two quasars, such as the host galaxy mass, SFR, metallicity,
luminosity and ionized near zone, including the dynamical mass enclosed within the inner
1.5 kpc region of the ULAS J1120 host galaxy, inferred from recent ALMA observations
(Venemans et al., [2017).

Although the numerous studies presented to date, we can not yet draw firm conclusions
on which growth mechanism (via super- or sub- critical accretion disks, cold accretion
streams, mergers) and/or seed formation channel (low-mass vs high-mass seeds) is to be

preferred, or more viable than the others, for high redshift SMBH formation.

3.4.4 BH feedback

As discussed in Section [3.1] the physical processes involved in quasar formation and evo-
lution are expected to be regulated by AGN and stellar feedback. During the quasar-
dominated regime (z < 8, see Section [3.5.2)) a strong, galaxy-scale wind is predicted to
be driven by the energy released during both BH accretion and SN explosions. This feed-
back is expected to clear the ISM of gas and dust leaving a un-obscured line of sight toward
the central emitting source. In addition, radiation emitted from the optically bright quasar
J1148 may contribute to at least 30% of the observed FIR luminosity (> 20 um) heating
the large amount of dust (~ 3 x 10® M) in the host galaxy ISM, outside the un-obscured
cone. Both stellar and quasar optical/UV emission are expected to be reprocessed by dust,
thus contributing to the observed FIR luminosity (Schneider et al.| 2015)).

Adopting an energy-driven wind prescription similar to that usually adopted by numeri-
cal simulations (e.g. D1 Matteo et al.[2005) pSAMs show that the AGN feedback is the main
driver of the massive observed gas outflow rates at z > 6. This is predicted to have a dom-
inant effect with respect to stellar feedback (energy-driven winds from SN explosions) in
shaping the high-z BH-host galaxy co-evolutionary path. For example, a powerful quasar-

driven gas outflow is launched during the latest stages of the evolution (~ 100 — 200 Myr)
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in the best-fit models of [Valiante et al.l 2011} 2012 and |[Pezzulli et al. (2016)), for J1148.
The predicted outflow rates are in good agreement with the observations, > 1000 — 3000
Mo /yr (Maiolino et al., 2012; Cicone et al., 2015) and ~ 10* times more efficient than the
sub-dominant SN-driven contribution.

However, it is worth noting that the prescription usually adopted in SAMs to describe
the energy-driven wind effects can not provide insights on the physical processes determin-
ing the observed properties of the outflowing gas and its complex dynamics.

Although described by sub-grid prescriptions, the response of the gas to the energy
released by the accreting BH is now well described by hydro-dynamical simulations. |Costa
et al.| (2014) study AGN feedback using the moving-mesh code AREPO. They find that,
despite the fact that momentum driven outflows predict a My — o relation similar to that
observed, the energy-driven scenario better reproduces the observed, large scale anisotropic
AGN-driven outflows. With the same code|Costa et al.[(2015) re-simulate a zoom-in region
around the six most massive halos at z ~ 6 to study the brightest quasars. They show that
the high-velocity extended cold gas observed out to ~ 30 kpc (Maiolino et al.[2012; |Cicone
et al.[2015) requires the combined effect of SN and AGN feedback. SN-driven winds are
responsible for the pre-enrichment of the circumgalactic and intergalactic medium in which
the massive, fast (> 1400 kms™') AGN-driven hot outflow is launched, ensuring efficient
radiative cooling (see e.g. Figure 2 in|Costa et al.[2015)) to explain the presence of cold gas
(see e.g. [Cicone et al.[2015)).

Finally, high velocity (10? — 10° km s~!) energy-driven winds on large scales have been
recently also studied by [Bieri et al.| (2017 by means of radiation-hydrodynamic simula-
tions of isolated galactic discs. They suggest that outflow rates as high as ~ 10°> Mg/yr
are sustained by IR radiation, with scattering on dust grains enabling efficient momentum

transfer to the gas.

3.5 The host galaxy properties

3.5.1 The origin of high-z dust.

Several theoretical models have been devoted to the study of the rapid enrichment of the

ISM in z > 6 galaxies and quasars, and in particular to the origin of the huge amount of
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dust (> 108 M) inferred from the FIR and sub-mm observations (e. g. Hirashita and Ferrara
2002; [Morgan and Edmunds|2003;|Dwek, Galliano, and Jones|2007; Dwek and Cherchneff
2011} Valiante et al., 2009; 201152014 |Gall et al., 201 1bj; 201 1a; Mattsson/[201 1, |Valiante
et al.[[2014; |Calura et al.|2014).

A SN origin for the dust observed in the early Universe has often been advocated be-
cause of the shorter evolutionary time scale of core collapse SNe progenitors (10 — 40 M
stars, with an age < 10 Myr) with respect to that of AGB stars (e.g. [Morgan and Edmunds
2003; | Dwek, Galliano, and Jones|2007). This scenario was supported by the deviation of
the dust extinction curves of z > 4 quasars and gamma ray bursts (GRB) from the Small
Magellanic Cloud (SMC) extinction curve, typical of z < 2 quasars (Maiolino et al.,[2004;
Stratta et al., 2007; Perley et al.l 20105 |Gallerani et al.,[2010). This suggests either a differ-
ent dust production mechanism or dust processing into the ISM at high redshift.

However, subsequent studies pointed out that stellar sources alone can not account for
the entire dust budget and grain growth in cold, dense gas clouds must also have a dominant
role, even at z > 6 (e.g. [Michatowski et al.[|2010; [Valiante et al.|[201 1} [Pipino et al.[[2011}
Rowlands et al.|2014; but see Ferrara et al.[2016).

Moreover, in contrast to what was previously thought, AGB stars are able to signifi-
cantly contribute to dust production in high redshift quasars, producing a dust mass at least
similar to that of SNe, already at z ~ 8 — 10 depending on the host galaxies’ SFH and IMF
(see|Valiante et al.|2009|and Figure 8 in|Valiante et al.|[2011).

Modelling the properties, and in particular the evolution of dust, in quasar host galaxies
at z > 6 is still a major challenge. |Li et al.|2007; [2008| carried out the first multi-scale sim-
ulation, using GADGET?2 (Springel et al., 2005)), aimed to follow the formation of quasar
J1148 in a hierarchical scenario, accounting for self-regulated BH growth (starting from
Pop III seeds), AGN feedback and the host galaxy properties evolution. They showed that
the metallicity and dust mass of J1148 are produced through a series of efficient bursts of
star formation (see Figure 7 in|Li et al.[2007) resulting in a final stellar mass of 10'> M,
similar to what is expected from the local Mgy — M, relation. To date, this is the only at-
tempt to study the high-z dust properties made with numerical approaches (Li et al., 2008).
However, only a single plausible hierarchical build-up of the J1148 DM halo, extracted (and

re-simulated) from the 14! Gpc? volume is explored in these works and thus, the resulting
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Figure 3.8. The cosmic cycle of a typical quasars at z ~ 6. Models reproduce the properties of
J1148 (see text). Left panel: the build-up of the Mgy — My, relation through cosmic time as
compared with data and empirical fit for local galaxies (Sani et al.,2011). Middle panel: the
predicted star formation history via quiescent and merger-driven bursts (see e.g. |Valiante et al.
2011). Left panel: the assembly of the dust mass into the ISM as a function of the stellar mass.
In all panels the solid lines show the average over 50 different DM halo merger trees with shades

representing the 1o dispersion. These figures are adapted from |Valiante et al.| (2011)).

SFH is unique. Semi-analytic models, which instead enable a statistical investigation of
different SFHs, provide similar conclusions. The chemical properties of the host galaxy
require an order of magnitude higher stellar mass with respect to the dynamical constraint,

as discussed in the following sections.

3.5.2 The BH-host galaxy co-evolution

Observational campaigns at z > 5 show that quasars and their host galaxies are character-
ized by similar properties in terms of the BH, dynamical, dust and molecular gas masses,
suggesting a common evolutionary scenario.

In Figure [3.§] we show the best-fit evolutionary scenario for the BH and host galaxy
properties of J1148 as predicted by |Valiante et al.| (2011; [2014)). Solid lines show the
redshift evolution of the total massef] of BH and stars (on the left), the total SFR (in the
middle) and dust and stars again (on the right) averaged over 50 different DM halo merger
trees, with shaded areas representing the 1o error.

As soon as efficient star formation starts, the BH grows in the buried AGN. At this

%At each redshift the total BH mass is given by the sum of the masses of all the existing nuclear BHs. In the
same way the total stellar and dust masses represent the stellar and dust content summed over all the existing

halos. See|Valiante et al.|(2011) for details.
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stage its optical emission is outshined by the ongoing strong star burst, SFRs from 100 up
to > 1000 Mg/ yr, at z ~ 8 (middle panel). The mass of dust (right panel) rapidly grows,
reaching values as high as 10° My, when the bulk of the stellar mass, ~ (2 — 4) x 10'! My,
is already in place. During this dust-obscured phase, the total nuclear BH mass reaches
~2x 108 M.

In this scenario, the progenitor galaxies of J1148 at z ~ 8 — 10 are predicted to have
similar properties (e.g. BH, stellar and dust mass) as the observed SMGs at lower redshifts
(e.g. |Santini et al.|2010; [Michatowski et al.|2010; Magnelli et al.||2012). These sub-mm
galaxies are suggested to be the evolutionary stage preceding the active quasar phase.

The transition between the starburst-dominated regime and the quasar-dominated evo-
lution, at z < 8, is triggered by powerful energy-driven winds which clear up the ISM of
dust and gas (see e.g. the down turn indicated by the black arrow in the right panel of
Fig 3.8), un-obscuring the line of sight toward the quasar and damping the SFR (we will
discuss the AGN feedback in the following section).

SMBH evolution models suggest a steeper evolution of the BH-stellar bulge mass rela-

tion at high redshift, with the SMBH forming before/faster than the stellar bulge (e.g. |Petri
et al[[2012). In addition, the observed deviation of high redshift quasars from the local
BH-stellar-mass ratio seems to be a natural outcome of SMBH growth driven by episodic
super-Eddington accretion which leads to a BH accretion rate-to-SFR ratio of > 10? (Volon-
ter1 et al., 2015)).
Agarwal et al.| (2013) track the subsequent growth of DCBH seeds by using a modified
version of the |Agarwal et al.| (2012) hSAM. In their simulated volume, they find that the
merger of a DCBH host satellite with the neighbouring galaxy (source of the LW radiation
field), leads to the resultant system lying above the local Mpy—My,, relation, already at
these early stages of the evolution. The authors term this phase as ‘obese black hole galax-
ies’ or OBGs as the DCBH is able to outshine the stellar component, leading to unique
observables that distinguish them from normal galaxies. The OBGs are expected to transi-
tion onto the local Mpy—Mj,, relation via mergers. However, they do not account for the
formation and evolution of metals and dust in the ISM, which represent a strong constraint
on the host galaxy SFH and final stellar mass.

Chemical evolution models instead point out that SFR, gas, metals and dust content
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of quasar host galaxies are well reproduced with standard assumptions of stellar IMF, star
formation efficiency and dust grain growth, for galaxies with stellar masses > 10'! M, (see
left panel of Figure [3.8). These are about one order of magnitude higher than the stellar
masses inferred from the observations of high redshift quasars (e.g. Wang et al.||2010; 2013)
and would bring the predicted Mpy — M, relation closer to the local value, suggesting that
high redshift dynamical (and thus stellar) masses may be underestimated (Valiante et al.|
201152014, |Calura et al.[|2014).

Although a top-heavy IMF scenario (i.e. biased to more massive stars) can reproduce
the observed dust mass and the deviation of J1148 from the local Mgy — M, relation, it
requires a less-efficient SFH to do so. This results in a SFR at z = 6.4 that is more than
10 times smaller than the observed rate (Valiante et al.|[2011]), too small to provide the
observed FIR luminosity even if the AGN contribution to dust heating (Schneider et al.,
2015)) is accounted for.

Instead, assuming a short evolutionary time scale does not solve the tension either. At
the observed SFR ~ 1000 Mg/yr the ~ (3 —4) X 10'0 M, stellar mass estimated for quasars
like J1148 would be produced in a quite short time interval, ~ 10 — 20 Myr. Such an
evolutionary time scale is too short for stellar evolution to account for dust enrichment up
to > 10% M, even with a maximally efficient mode of dust formation by SNe (see Valiante
et al.[|2014 for a detailed discussion).

Following this discussion, it is important to note that, at z > 6, stellar masses can not
be convincingly obtained via SED fitting as in local and lower redshift systems. A lower
limit to the stellar mass (dynamical bulge) is usually obtained as M, = Mgy, — My, where
dynamical and molecular gas masses, Mgy, and My,, respectively, are derived from CO
observations.

Large uncertainties are introduced by the methods adopted to infer Mgy, and My,. A
large scatter (> 60%) in the estimated molecular gas mass is due to the adopted CO line
luminosity—to—H, mass conversion factor, aco = 0.8 = 0.5 Mg /(K km s pcz). This
is typical of ultra luminous infrared galaxies (ULIRGs, [Solomon et al.|[1997, [Downes
and Solomon||1998) and usually adopted for high redshift quasars too. In addition, Mgy,
strongly depends on geometrical assumptions for gas distribution which is usually consid-

ered to be disk-like, with given inclination angle i and radius R, which are difficult to infer
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from observations at such high redshifts. An uncertainty of more than 50% must be as-
sociated to the inferred values, Mdynsinzi = (10" — 10'") M. A radius R = 2.5 kpc and
an inclination angle i = 65 have been inferred for J1148, in which the CO emitting region
is spatially resolved (Walter et al., [2004). For other quasars a similar radius and a mean
inclination angle of 40 are usually assumed (see e.g. |[Maiolino et al.[2007; [Wang et al.
2010).

Theoretical studies suggest that lower inclination angle (i < 30) and/or larger disk
radius (R ~ 5 — 30) kpc may solve the so-called stellar mass crisis (see e.g. Figure 9 and
discussion in |Valiante et al.[2014).

Recent Atacama Large Millimeter and sub-millimetre Array (ALMA) observations of
[CII] emission in quasars have suggested that a large fraction of the CO may be still un-
detected (Wang et al., 2013), supporting the idea that dynamical mass estimates could be
missing some of the stars. Moreover, IRAM Plateau de Bure Interferometer (PdBI) follow-
up observations of [CII] 158um emission line and FIR continuum in J1148 host galaxy
have revealed the presence of an extended cold gas component out to ~ 30 kpc which may
be an indication of star formation activity on larger scales with respect to the size of the CO
emission (Cicone et al., 2015]).

Thus, stellar mass estimates from model predictions and observations may be recon-
ciled by accounting for a more complex and/or more extended star and gas distribution,
beyond the few kpc radius inferred from the CO emitting regions. Observations (Cicone
et al.l 2015), SAMs (Valiante et al., 2011; 2014| and (Calura et al. [2014)) and numerical
simulations (e.g. |[Khandai et al.[2012)) seem to agree with this scenario. Quasars at z ~ 5
resolved in the MassiveBlack simulation are predicted to be compact and gas rich systems
with intense burst of star formation occurring in both the innermost and outer regions, out
to the DM halo virial radius (~ 200h~! kpc, Khandai et al.[2012).

In addition, Di Matteo et al|(2016) show that the most massive BHs (> 10% M) at
z ~ 8 reside in compact bulge-dominated galaxies (more than 80% of the stars are in the
spheroidal component). The total stellar masses of these systems are already > 10'0 M,
(see e.g. Fig 1 and Table 1 of Di Matteo et al.|2016), bringing them well within the scatter

of the observed local Mpy — M, relation. Pure SAMs provide very similar results

7 A mean BH and stellar mass of 4x 10® and 3—4x 10'° M,, are predicted in both low-mass- and mixed-seeds
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Finally, Lyu et al.|(2016) derived a typical stellar mass of (3 —5) x 10'! M, on the basis
of the IR SED analysis of about 100 quasars at z > 5, suggesting a BH-galaxy mass ratio

of 1073 = 1072, consistent with local relations.

3.6 Discussion

In this review we have discussed the formation of the first quasars, and in particular the
rapid growth of their SMBHs focusing on pure semi-analytic or hybrid (SAM plus N-body
simulations) approaches.

For comparison, we have also mentioned the results of some of the state-of-the-art hy-
drodynamical simulations, providing deep insights on the dynamical evolution of galaxies.
With respect to these simulations, semi-analytic (pure or hybrid) methods have the comple-
mentary role of enabling statistical studies and exploring different models and parameter
space, on shorter computational time scales.

However, simplified geometries, models for the gas cycling and/or sub-grid prescrip-

tions limit the scope of both pSAMs and hSAMs. Indeed, some physical aspects are still
far from being taken into account in these models, such as the gas physics, feedback from
stars and/or the accreting BH, or accretion rate in the inner part of the halo. This is where
cosmological hydrodynamical simulations offer a laboratory to study the impact of physi-
cal processes related to the structure of collapsed objects.
Angular momentum, for example, is one such physical process. Gravitational systems,
such as halos can possess a given degree of rotational support, which is described by the
spin parameter Agin = J [E|1/2/ GMi/ 2, with J the angular momentum of halos, E the total
energy, and M; the mass of halos. The angular momentum of a halo, or its baryonic cen-
tral region, is thought to be the result of clustering/surrounding neighbors applying tidal
torques on the given halo (Peebles, |1969).

Although, they have the advantage of directly tracking the cosmic evolution of the
baryonic component of galaxies (where semi-analytic models need to use approximations),
the main limitation of hydrodynamical simulations is that the physical processes, acting

on different scales can not be described simultaneously, yetﬂ In other words, large and

scenarios presented in|Valiante et al.|(2016); |Pezzulli et al.| (2016).
8In addition, due to the higher computational costs required to run hydrodynamical simulations these mod-
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small scales can not be resolved at the same time in simulations. This has been widely
discussed by |[Habouzit et al.| (2016b), in the case of DCBH formation. They use a small
scale (1 cMpc), high resolution (Mpmes ~ 2 X 103 M) to study in detail the effect of
expanding metal-rich bubbles around possible DC sites, while a larger box size (10 cMpc)
with intermediate resolution (MpmM res ~ 107 My) is adopted to statistically asses the impact
of metal enrichment, SFR and SN-driven winds on the DCBH number density, in a sig-
nificant volume of the Universe. Finally, the Horizon-noAGN large box (142 cMpc), low
resolution (8 x 107 M) simulation is adopted to test whether DCBHs are able to explain
the population of high redshift quasars.

Among the most recent hydrodynamical simulations devoted to study the rare, high
density peaks DM halo hosting the first quasars, MassiveBlack (D1 Matteo et al.| 2012)
and its high-resolutions zooms (Khandai et al.l 2012} |[Feng et al., [2014), investigate the
formation of SMBHs in the first galaxies, by covering a volume of 0.75 Gpc>. A higher
resolution is reached in the 0.5 Gpc? volume of the BlueTides simulation (Feng et al.| 2015}
2016), enabling the study of the formation of the first SMBHs at early cosmic epochs (z > 7,
Di Matteo et al.|[2016).

Given the advancement in theoretical modelling techniques, all the different approaches
can together be considered as a powerful tool to investigate different physical processes
related to the formation and evolution of the first quasars at z ~ 6. Combined with observa-
tional constraints from current and future high-resolution instruments, these models can be

further improved to provide definitive answers to the open questions discussed in Section

B.1

els are often restricted to few realizations, small volumes and/or still require sub-grid prescriptions (just like

SAMs).
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Chapter 4

Growing the first supermassive black

holes: the super-Eddington regime

4.1 Introduction

As discussed in Chapter [3] explaining the existence of high-z SMBHs is a challenge for
theoretical models. In order to grow up to billion solar masses at z ~ 6, seed BHs must
accrete gas at the Eddington rate almost uninterruptedly for several hundreds Myr, even
if they start as heavy seeds of [10° — 10°] M. Alternatively, short episodes of super-
Eddington accretion have been suggested as a viable way to allow the efficient growth
of SMBHs, especially if these start from light seeds of ~ 100 My (Haiman|2004; Yoo and
Miralda-Escudé|2004; |Shapiro|2005; |Volonteri and Rees|2005, 2006} Pelupessy et al.|2007;
Tanaka and Haiman|2009; Madau et al.|2014; |Volonter1 et al.|2015). In a recent numerical
study, [Lupi et al.| (2016) show that, if a large reservoir of dense cold gas is available, a
Mgy ~ 10° My, can grow in a ~ Myr timescale starting from a seed mass of ~ 20 — 100 Mo,
under the assumption of a slim accretion disk solution. The slim disk solution represents
an advective, optically thick flows that generalise the standard Shakura & Sunyaev solution
(see Section @ In this model, the radiative efficiencies, that depend on the accretion rate,
are low: the radiation is trapped and advected inward by the accretion flow (see however
the recent simulations by Sadowski and Narayan|2016). In this scenario, the outflow has a
negligible effect and the BH can accrete up to 80% — 100% of the gas mass available.

Indeed, there is observational evidence of mildly super-critical accretion (Kelly and
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Shenl 2013} [Page et al., [2014) in quasars at redshift up to ~ 7. In addition, recent nu-
merical simulations aimed to study super-Eddington accretion onto a rapidly rotating BH
(McKinney et al.,|2014) and the energy, momentum and mass outflow rates from radiatively
inefficient accretion discs (Sadowski et al., 2013) predict Eddington ratios ngqq = L/Lgdd
up to 10. Such a high ratio has been also invoked to explain the nature of ultraluminous
X-ray sources (e.g. Middleton et al., 2013)).

In this Chapter, we investigate the role of super-Eddington accretion in the formation
of the first SMBHs at redshift z ~ 6, with the aim to understand what are the environments
where it can occur and discuss the implications for the coevolution of the SMBHs and their
host galaxies at high redshifts. We base our analysis on the data-constrained semi-analytical
model GAMETE/QSObusr that allows to simulate a large number of hierarchical histories
of a quasar host dark matter halo, following the star formation history, chemical evolution
and nuclear black hole growth in all its progenitor galaxies. The model has been first
successfully used to investigate the properties of the z = 6.4 quasar SDSS J1148+5251 by
Valiante et al.| (2011} 2012), applied to a sample of quasars at 5 < z < 6.4 by |[Valiante
et al.| (2014) and more recently used to investigate the relative importance of light and
heavy seeds in the early growth of high-z SMBHs under the assumption of Eddington-
limited accretion (Valiante et al.,[2016]). Here we present an improved version of the model,
GAMETE/SurerQSOpusT, that has been modified to follow gas cooling, disk and bulge
formation, and BH gas accretion in all the progenitor systems of a z = 6.4 quasar, using
SDSS J1148+5251 (hereafter J1148) as a prototype for the general class of luminous high-
redshift quasars.

This Chapter is organized as follows. In Section[d.2] we briefly describe the hierarchical
semi-analytic merger tree used to simulate the DM halo progenitors; in Section 4.3] we
introduce the model, describing assumptions and physical prescriptions. In Section 4.4 we
present the results. Finally, a discussion and the main conclusions are given in Section
K.3] In particular, we find that ~ 80% of z ~ 6 SMBH mass is grown by super-Eddington
accretion, which can be sustained down to z ~ 10 in dense, gas-rich environments. The
average BH mass at z ~ 20 is My = 10* Mo, comparable to that of direct collapse BHs.
At z = 6.4 the AGN-driven mass outflow rate is consistent with the observations and the

BH-to-bulge mass ratio is compatible with the local scaling relation. However, the stellar
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SDSS J1140+5251

z 6.42
Mgy [10° M) 49+25
My [1019M ] 23+19

Mayn sin® i[101°°M5] | 3.4+1.3

Lrr [103 L] 2.2 +0.33

Liot [10Lo] 1.36 + 0.74

SFR [10°Mg/yr] 20+£0.5

Mguq [108Mo) 34113

Table 4.1. Observed and inferred properties of the quasar SDSS J1148+5251. The black hole mass,

Mgy, is estimated from the Mgy doublet and the 2 = 3000 A continuum (De Rosa et al.,[2011).
The mass of molecular gas, My, , and the dynamical mass, Mgy, sin® i, have been estimated from
CO observations (see [Valiante et al.|2014| for more details). The star formation rate, SFR, has
been computed from the far-infrared (FIR) luminosity using the Kennicutt relation (see Section
fore further details). The value of Lgr and Mgy have been computed by |Valiante et al.
(2011} [2014). The bolometric luminosity Ly, is estimated from the observed flux at 1450 A

(Fan et al.l 2003)) using the bolometric correction by |[Richards et al.|(2006).

mass in the central 2.5 kpc is closer to the value inferred from CO observations. Finally,
~ 20% of J1148 progenitors at z = 7.1 have BH luminosities and masses comparable to

ULAS J1120+0641, suggesting that this quasar may be one of the progenitors of J1148.

4.2 The hierarchical semi-analytic Merger Tree

The reconstruction of hierarchical merger histories for a M}, dark matter halo at redshift z
is based on a binary Monte Carlo algorithm with mass accretion that applies the Extended
Press-Schechter theory (see Section[1.3.1).

Rewriting Equation [I.36]in terms of progenitor mass M, we find

2
dO'M

M, Mp)dM =
f(M, My) I

! (Oc = cn) ex [ Oc = ocn)’ l dMm. 4.1)

V2r (0%, — 03, )2 203, - o3
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program time

evolution time

Figure 4.1. Illustration of a DM halos binary merger process as modelled in GAMETE/QSObpusT.
The cloud represents the Galactic Medium (GM) and the green circles the DM halos. Physical

time flows in the diagram from top to bottom while viceversa for the code time.

2

where, following Chapter 1, we recall that: o,

is the linear rms density fluctuation
smoothed with a top-hat filter of mass M (‘7121/1/1 is smoothed with a top-hat filter of mass
My) and 6. = 0.(z) is the critical linear overdensity threshold for collapse at redshift z
(while 6., = 6.(z5)) defined as 8.(z) = 1.686/D(z) where D(z) is the linear growth factor
(Carroll et al.,{1992):

_5Qu( [ 1 209 Q2(2)

= — 220 (1) -
1+ |70 120~ a0

and Q,,(z) = Quo(1 + 2)°[1 — Qo + (1 +2)°Qo] 7L

D(2) + 0"l 4.2)

This equation gives the fraction of mass in a halo of mass M), at redshift z;, which, at
an earlier time z > z;, belongs to less-massive progenitors having mass in the range M to
M + dM. Multiplying Equation [4.T| by the mass fraction, we find the number of halos per

unit of mass
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Figure 4.2. Number of progenitors of a halo M, = 10'3 My, at z = 6.4 as a function of the progenitor
halo mass. Each panel shows the results for a single redshift, with histograms representing the
averages over 10 independent merger tree realizations and errorbars indicating the Poissonian
errors on the counts in each mass bin. Solid lines show the predictions of the Extended Press-
Schechter theory while vertical lines mark the values of the resolution mass at the corresponding

redshift.
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My,
M = f(M, M)—dM. 4.
I dM = f(M, h)Md (4.3)

Writing the above equation in the limit z — z;, we find

2
doy,

dN M 1 M/Mh d6c
am

™= I A &

where 7 = 7 + dz.

’ dMdz, “4.4)

Using Equation 4.4} the code runs backward in time starting from a DM halo of fixed
mass M), € [10'2,10'3]M,, in the redshift interval z € [5, 7], as outlined in Figure

Fixing a cut-off resolution mass M,., that separates the mass collapsed into progenitor
halos, (Mprog > Mies) and the mass accretion My, from the surrounding medium (M, <
M), for each step the DM halo has two possibilities: to loose mass or to loose mass and

to fragment in two progenitors, that have random masses smaller than Mj,/2 and greater
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than M.
The number of progenitors that the halo of mass M}, forms via fragmentation during a

time step dz is

M2 gN
N, = f —dM. 4.5)
MI‘ES dM

In order to prevent multiple fragmentation (to avoid N, > 2), since N, decreases for
decreasing dz, binary algorithms usually require small time steps.

The accreted mass fraction is:

M,
res dN M
Fy = f INM im. (4.6)

To discriminate between accreted mass and progenitors, the code generates at each time
step, and for each progenitor mass My, a random number 0 < C < 1 and compares it with
Np. If N, < C the halo does not fragment at this step but just updates the new halo mass
with M;(1 — F,), while if N, > C the halo fragments. To ensure mass conservation, we
proceed in two steps: first, a new random number in the mass range M., < M} < My/2
is extracted from the distribution described by Eq .4} this identify the mass of the first
progenitor halos. Then, the mass of the second progenitor is taken to be M, = Mp(1-F,)—
M.

A high value of M,., prevents multiple fragmentation and controls the computational
cost, but is important to find a good compromise between these advantages and the need to
resolve low-mass halos. Indeed, hierarchical models predict less massive halos at high z,
so that M,., should be a redshift dependent quantity, decreasing for increasing redshift.

Once virialized, the halo mass which, at a given redshift z correspond to a virial equi-

librium temperature 7', can be approximated as (Barkana and Loeb, 2001}

10 )3/2( Tyir )3/2 @

M(Tir,2) ~ 10°Mo (1 - ok

We take M(T,;, = 10%°K, z) = M4(z) to be the minimum mass of halos that can cool via
the hydrogen Lyman-c line. In Figure 4.2] we show the mass function of progenitor halos
of a M;, = 10° My, at z = 6.4, at four different redshifts. Using the merger tree algorithm

described above, we have run 10 independent merger histories of the final halo. The figure
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Figure 4.3. Redshift evolution of relevant timescales: M2 (cyan) and M"¥ (red) are the old and
new resolution masses adopted in the merger tree; My, (light blue) and M, (dark blue) are the
minimum halo mass for H, and Lyman-alpha cooling; M3, (yellow) and M4, (purple) are the
mass-scales that correspond to 3-sigma and 4-o density fluctuations; finally, M (green) is the
threshold mass for star formation. All the mass-scales have been obtained assuming Planck

cosmological model (see text).

shows that the results are in good agreement with the analytic predictions of the Extended

Press-Schechter theory.

4.2.1 Mass resolution

We have chosen a value of the resolution mass shown in Figure MY, that we assume

to have the following redshift dependence:

-7.5
1+z ) 4.8)

1+z
where zo = 6.4 and Mpao(z0) = 1013 are the adopted redshift and halo mass for J1148.

MY (z) = 10_3Mhalo(20)(

The redshift evolution of M[5"(z) is shown in Figure where it is compared to the
resolution mass used in (Valiante et al., 2011)), M;’CIS(Z), and to other relevant masses. It is
clear from the figure that with this new choice, the merger tree is able to resolve a larger
number of low-mass progenitors at high redshift. To compensate for this new choice of

resolution mass, we also modify the time-step of the merger tree to ensure binarity. Hence
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we adopt logarithmically spaced redshift steps,
(1+2) = (1 +21)10%
with

1 1+
dz = — log(—=

Umax 1+ 29

), 4.9)

where i,,,, = 820 is the total number of time step, z, = 24 is the maximum considered

redshift.

4.3 The model

In this section we provide a brief summary of the original GAMETE/QSOpust model and
we present the new features for the upgrade version GAMETE/SuperQSObusT, sketched
in the Figure 4.4

We reconstruct 30 independent merger histories of a dark matter halo at redshift 6.4
assumed to be the host of J1148. We adopt a Navarro Frenk & White (1995, NFW) density
profile with a mass of M, = 10'>M,, within the range supposed to host high-z bright
quasars (Volonteri and Rees, [2006}; [Fan et al., 2004) and simulate its hierarchical history
using a binary Monte Carlo merger tree algorithm based on the Extended Press-Schechter
theory (Lacey and Cole, [1993).
The code follows the time evolution of the mass of gas, stars, metals and dust in a 2-phase
ISM inside each progenitor galaxy (see also/de Bennassuti et al.,2014), taking into account
chemical enrichment from Asymptotic Giant Branch (AGB) stars and SNe, which inject
dust and metals into the ISM, grain destruction by SN shocks and grain growth in dense
molecular clouds.
Energy-driven outflows, powered by both AGN and SN feedback, are considered in the
model: the energy released by the BH accretion process and SN explosions couples with
the gas and can unbind a huge amount of interstellar gas (Silk and Rees| [1998). Although
the physical mechanisms that trigger these galaxy-scale winds are still controversial, the
model predicts mass ejection rates comparable to the observed ones (Maiolino et al.,[2012;

Valiante et al., 2012 /Cicone et al.,[2015)).
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Following [Valiante et al.| (2011} [2016) we focus our study on one of the most distant
and best studied quasar, J1148, discovered at redshift z ~ 6.4 (Fan et al., |2003). The ob-
servationally inferred properties of this quasar are reported in Table .1 These are used
to calibrate the model by fixing the adjustable free parameters shown in Table d.2] as de-
scribed below.

In what follows, we discuss the new features of the code, namely: (a) the formation of
the disk via gas cooling; (b) the formation of the bulge via major mergers; (c) bursted and
quiescent star formation both in the disk and in the bulge; (d) the BH seeding prescription;
(e) the BH growth via accretion and coalescences, considering also the recoil velocities that
can be generated by the product of the merging pair due to asymmetric gravitational wave
emission; (f) SNe and AGN feedback, responsible of galactic-scale winds.

We adopt a ACDM cosmology with parameters Q,, = 0.314, Q = 0.686, h = 0.674
(Planck Collaboration et al., 2014]), so that the Hubble time at redshift 6.4 is 851 Myr. The
difference with the cosmological parameters adopted in previous works (Valiante et al.,
2011} 2014)) is mainly the larger value of og (Planck og = 0.834, WMAP7 og = 0.761 ),
which implies an increased power at small scales, leading to a larger number of progenitor

systems at high redshifts.

4.3.1 Gas cooling

In each newly virialized dark matter halo with mass M}, the initial gas mass is assumed
to be the cosmic baryon fraction Mgig = (Qu/Qm) M. We suppose this gas to be all in
the diffuse phase, i.e. pressure-supported, and to follow an isothermal density profile p,

defined as:

—, (4.10)

where Ry, is the virial radius of the dark matter halo. The hot diffuse gas gradually cools
providing the reservoir of cold gas out of which stars form (see Section [[.3.3). The gas
cooling processes strongly depend on the temperature and chemical composition of the
gas.

In dark matter halos with virial temperature T < 10* K, referred to as mini-halos, the

primordial gas can cool only through H; roto-vibrational transitions (Haiman et al., [1996).
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As the gas becomes progressively enriched in heavy elements, other molecular species can
contribute to cooling and collisionally excited metal fine-structure lines, mostly OI, CII can
provide additional cooling pathways. Here we only consider the contribution of H,, OI and
CII cooling using metallicity dependent tabulated cooling functions, A(7ir, Z), computed
as described in Appendix A of |Valiante et al.| (2016)) but we neglect the effect of H, photo-
dissociation by Lyman-Werner photons. We will return to this point in Section 4.4]

In dark matter halos with virial temperatures Ty; > 10*°K (Lya cooling halos), the
temperature is high enough to excite atomic transitions, allowing the primordial gas to cool
through hydrogen Lyman-« line emission. In this regime, we use metallicity-dependent
tabulated cooling functions presented by|Sutherland and Dopital(1993)) and shown in Figure

The time scale for gas cooling, T¢oo, is defined as:

3 umpkpTyir

o3 , @.11)
cool Zpg(rcool)A(TVir’ Z)

where kp is the Boltzmann constant, u is the mean molecular weight and roo is the

cooling radius and it is obtained by assuming that the cooling time is equal to the halo

dynamical time Zqyn = Rvir/vbm, Where vpy is the dark matter (DM) halo circular velocity:

1/2
tayn Maig AT yir, Z
Feool = dyn Vidiff ( vir . ) (4.12)
o umy, kpTvir Ry,
Then, the gas cooling rate can be compute as:
~ dreool _ Miiff Feool
Meool = 4mPg(Feool) ey — s = mgr —— (4.13)

dr 2Ryir Tdyn ’
4.3.2 Disk and bulge formation

Along the hierarchical history of the final DM halo, we define major (minor) halo-halo
merger events as those with halo mass ratio u = Mhalo.1/Mhalo2 (With Mhaio.1 < Mhalo2)
larger (lower) than py, = 1/4 (Barausse, 2012). In quiescent evolution (i.e. no encounters
with other galaxies), the cold gas settles on a rotationally-supported disk, because of the

conservation of angular momentum, and can start to form stars. The disk, composed of gas

'Note that if .o > R.ir We assume that the gas never reaches hydrostatic equilibrium and it is immediately

available to star formation (De Lucia et al., 2010).
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and stars, can be disrupted by a major merger and a spherical bulge is expected to form in
this event. Minor mergers, instead, are not expected to destroy the disk but may help the
growth of the bulge by disk instabilities (Naab and Burkert, |2003; Bournaud et al., [2005]).

In our model, major mergers are supposed to destroy both the gaseous and stellar disk
components of the newly-formed galaxy, adding the stars and gas to the central bulge.
Minor mergers do not contribute to the transfer of matter between the disk and bulge, and
thus lead to the formation of a new galaxy with disk and bulge masses that are the sum of
the two progenitors ones.

We consider a self-gravitating disk, with an exponential gas surface density profile, X,

defined as (Mo et al., [1998):

Ta(r) = Zq(0) e/, (4.14)

where Ry is the scale radius of the gaseous disk and X4(0) is the central surface densities of
the gas. For the stellar component of the disk, we adopt the same density profile with the

same scale radius Ry. Following Mo et al.| (1998)) we define the scale radius as,

I (Jja 1 .
Ry = —|— | ARyi——1r(4, c,mq, jq), 4.15
d N (md) \/JTCfR( ¢, mq, ja) (4.15)

where jq = Jq/J is the ratio between the disk angular momentum and that of the halo, mg =
Mgy /My, is the disk mass (stars+gas) fraction over the halo mass. From the conservation of
the specific angular momentum we assume jq/mg = 1. The spin parameter A is considered
to be constant and equal to 0.05, the mean value adopted by Mo et al.| (1998)).

The factors f. and fr take into account the correction to the total energy of the halo
resulting from the NFW density profile and the gravitational effect of the disk, and are
computed following the prescription given by Mo et al.| (1998). The factor f. depends on

the concentration parameter c, that we assume to be constant and equal to ¢ = 1E]:

2Unfortunately, numerical studies of the concentration parameter of dark matter halos spanning the mass
and redshift range relevant for the present study are not available. Extrapolating the results of Mufoz-Cuartas
et al.|(2011)), we adopt a constant value of ¢ = 1. At a fixed halo mass, BH growth would be favoured in more
concentrated halos, that are characterized by a larger mass and circular velocity in the inner regions (Mo et al.,

1998).
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1= 1/(1 +¢)®=2In(1 + ¢)/(1 + ¢)

C
=— 4.16
fe 2 [c¢/(1+¢)=1n(1 +¢))? ( )

The factor fr is computed as,

® uaveRa)|™!
=2 f e—"u“—] , (4.17)
Jr [ 0 Ve(Ryir)
where v.(r) is the total rotation velocity of the system,

VA(r) = V3(r) + Vi) + B (). (4.18)

Here v, is the circular velocity of the bulge, vpy is the circular velocity of the DM halo and

v4 is the circular velocity of the thin, exponential disk,

Vi = 1 G Xo X[ Io(x/2)Ko(x/2) — [ (x/2)K1(x/2)], (4.19)

where x = r/Rq and I,, K,, are the modified Bessel functions of the first and second type,
respectively and Xy = £(0)q + Z(O)g is the sum of the gas and stellar central (r = 0) surface
densities.
For the bulge component, we assume that the gas density profile pp(7) is described as
(Hernquist, [1990),
)

My
po(r) = 21 r(r +rp)?’ (4.20)

where the scale radius, r,, is computed as 1, = Reg/1.8153 (Hernquist, [1990), and the

effective radius Reﬁﬂ depends on the gas and stellar masses in the bulge (Shen et al., [2003):
log(Res/kpe) = 0.56 log(My, + Myy) — 5.54. 4.21)

We adopt the same density profile for the stellar component in the bulge.

The velocity profile of the bulge, computed through the Poisson equation is

Gr(Mb + M]:)

i (4.22)

2 _
vb_

3R is the effective radius of the isophote enclosing half the light.
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Table 4.2. The calibrated values of the adjustable parameters of the reference model.

Free parameters values
€] | quiescent star formation efficiency 0.083
B BH accretion efficiency 0.03
EAGN AGN-feedback efficiency 1.5x 1073

We assume that the halo responds adiabatically to the gradual build up of the disk and bulge,
maintaining the spherical symmetry during the contraction. Thus, the angular momentum

is conserved during the collapse from a mean initial radius r; to a radius r (< r;), so that:

M¢(r)r = M(rj)ri, (4.23)

where M(r;) is the mass of DM enclosed in r; obtained integrating the NFW density profile

and M(r) is the total final mass within a radius r:

My(r) = Ma(r) + Mpi(r) + (1 = fea)M(r), (4.24)

where My (r) and My, ((r) are the total disk and bulge masses (star and gas) enclosed within
aradius r, obtained by integrating eqs. (4.14) and {#.20), and fgu = [Ma, + My ]/ My is the
fraction of the total mass in the disk and bulge.

The velocity curve of the perturbed DM halo is then,
Vi (r) = [GIMp(r) = My, (r) = Moy (D). (4.25)

Following these prescriptions we model the formation and evolution of disk and bulge

components in each halo along the reconstructed merger histories.

Star formation rate

Hydrodynamical simulations suggest that merging events, major mergers in particular, can
trigger bursts of star formation in the central regions as a consequence of the tidal forces
produced by galaxy-galaxy interactions (Mihos and Hernquist, [1994; [Springel, 2000; |(Cox
et al., 2008).
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Since starbursts are confined in the very central region of the galaxy, we assume a
quiescent mode of star formation in the disk while bursts are triggered in the bulge when a
major merger occurs. The star formation rate (SFR) in the disk is described as,

* M ds

M =€ (4.26)

where M is the gas mass in the disk, 7¢ = 3Rq/v.(3Rq) is the dynamical time of the disk

evaluated at the peak of the circular velocity profile (Mo et al., [1998), Ry is the disk scale

radius defined in Equation and €] is an adjustable free parameter representing the star

formation efficiency in the disk. In our reference model, €] = 0.083 (see Table .
Similarly, the SFR in the bulge is computed as,

. M
My ==, 4.27)
)

where My, is the gas mass in the bulge, T, = Rer/V.(Res) is the dynamical time of the bulge
and the effective radius R.q is defined in Equation[d.2Tabove. We assume that in absence of
merger events, the star formation efficiency in the bulge is equal to that of the disk, €+ = €.
When a merger event occurs, the star formation efficiency increases as a consequence of

the destabilizing effect of the interaction, and we adopt the following scaling relation:

& =€ f(u, (4.28)

with f(u) = max[1,1 + 2.5(u — 0.1)], so that mergers with 4 < 0.1 do not trigger star-
bursts. With the adopted scaling relation, the starburst efficiency in the reference model is
0.083 < ¢ < 0.27, consistent with the range of values found by means of hydrodynamical
simulations of merging galaxy pairs (Cox et al., | 2008) and adopted by other studies (Menci

et al., 2004} Valiante et al., 2011]).
4.3.3 Black hole growth and feedback

BH seeds

We assume BH seeds to form only as remnants of first (Pop III) stars. In fact, our main aim
is to investigate if SMBHs can form by super-Eddington accretion starting from light seeds

at high redshift. Although the initial mass function of Pop III stars is still very uncertain, the
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most recent numerical simulations suggest a characteristic mass of a few hundreds of solar
masses at z ~ 25, that progressively shifts to a few tens of solar masses at lower redshifts
(Hirano et al., 2015). For simplicity, here we do not consider the redshift modulation of
the characteristic mass and we plant a BH seed with a mass of Mg eq = 100 Mg in each
newly-virialized halo with a metallicity Z < Z., = 107*Z,, above which the effects of dust
and metal line cooling allow the gas to fragment, reducing the characteristic mass to values
comparable to those found in local stellar populations (Schneider et al., 2002, 2003}, 2012b;
Omukai et al., 2005)).

BH accretion

Once formed, the BH accretes gas from the surrounding medium. The correlation between
the mass of central SMBH and the bulge mass or velocity dispersion (Magorrian et al.|1998];
Richstone et al.||1998, see Kormendy and Ho|[2013| and references therein) and the small
scale on which the accretion takes place, suggest that the accretion onto the central black
hole should be fuelled by the cold gas present in the bulge.

The collapse of material onto the central BH in a galaxy is triggered by both merger-
driven infall of cold gas, which loses angular momentum due to galaxy encounters, and
quiescent accretion, assuming that the accretion rate is proportional to the cold gas mass in
the bulge,

MZLCCI' - Tb ’ (429)

where, similarly to Equation (4.28)), the accretion efficiency is expressed as,

Jacer = ﬁf(ﬂ)9 (4.30)

where S is an adjustable free parameter. In our reference model, 8 = 0.03 (see Table #.2)),
so that the efficiency of BH accretion is about ~ 1/3 of the efficiency of star formation in
the bulge.

Thus, the mass growth rate is,

MBH =(1- fr)Maccr’ (4.31)
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where the radiative efficiency ¢, is defined as,

L
6= (4.32)
Myeer €

with Ly being the bolometric luminosity emitted by the accretion process. At high accre-

tion rates, the Shakura and Sunyaev| (1973 model of BH growth through a thin disk, where
all the heat generated by viscosity is immediately radiated away, is incorrect. Instead, it is
possible to use the optically thick, slim accretion disk solution, that is characterized by low
radiative efficiencies (Abramowicz et al.|, |1988)).

The bolometric luminosity, Ly, is computed starting from the numerical solutions of the
relativistic slim accretion disk equations obtained by [Sadowskil (2009), adopting the fit
presented by [Madau et al.[(2014):

Lyl 0.985 0.015

= A(a)| = - + — - . (4.33)
LEaq Mgad/Macer + B(a)  Mgad/Macer + Cla)

where the Eddington accretion rate is defined as Mgqq = 16 Lgaq/ ¢ and A(a), B(a) and

C(a) are functions of the BH spin parameter a,

Al@) = (0.9663 —0.92924)703, (4.34)
B(a) = (4.627 —4.445q)705524 (4.35)
Cla) = (827.3—718.1a)70700 (4.36)

The slim accretion disk model represented by Equation (4.33)) predicts that even when the
accretion rate is super-Eddington, with 1 < Macer/ Meaa < 100, the disk luminosity remains
only mildy super-Eddington, with Lo < (2—4) Lgqq. In fact, in this regime a large fraction
of the energy generated by viscosity does not have the time to be radiated away and is
instead advected into the black hole. As a result, the radiative efficiency is very small, with
0.002 5 € < 0.05, almost independently of the value of the BH spin parameter (see Figure
1 in Madau et al.|2014. Conversely, when the accretion rate is sub-Eddington, the radiative
efficiency increases reaching an almost constant value which depends on the BH spin, as in
the standard think disk solution, with €, < 0.05 fora = 0 and ¢ < 0.3 for a = 0.98.

Here we do not describe the time evolution of the BH spin parameter and we simply as-

sume that the module of the spin vector a is randomly extracted from a uniform distribution
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(Tanaka and Haimanl, [2009; [Barausse, [2012).

BH mergers

In halo merging events, we assume that the two nuclear BHs coalesce with the same
timescale of their host halos. However, in minor mergers (with u < pg, = 1/4, see Section
A.3.2)) only the largest of the two progenitors BHs can settle in the centre of the new halo
potential well, surviving as a nuclear BH, while the smaller one ends up as a satellite.

During the BH merger, the newly formed BH receives a large center-of-mass recoil
due to the net linear momentum carried by the asymmetric gravitational waves emission
(Campanelli et al., 2007} Schnittman et al., 2008}; Baker et al.,|2008). The recoil (or kick)
velocity of the coalesced binary depends on the mass ratio of the merging pair and on
the amplitude and orientation of the spin vectors of the two BHs. Here we follow the
parametrization presented by [Tanaka and Haiman|(2009) and - for each merger event - we
compute the kick velocity as a function of the BH mass ratio assuming the spin vectors
to be randomly oriented. The average kick velocities increase with the mass ratio of the
merging pair, ¢ = Mpn,1/Mpn, (With My,1 < Mpn2). For strongly unequal mass mergers,
with 0.01 < ¢g < 0.1, we find (vkick) = 1 — 100 km/s, whereas for larger mass ratios, with
0.1 < g < 1, the kicks can be very strong, with velocities (vgick) = 100 — 1000 kmy/s.

We then compare the kick velocity with the circular velocity at the radius of influence of
the BH, Rgy = GMgy/ vg(RBH) with v.(r) given by Equation , and we retain the BH
only when vyjcx < vo(Rpy). For Mgy /My = 1073, the retention velocity is v.(Rgg) ~ 2Vyir,

where vy, is the escape velocity at the virial radius (Yoo and Miralda-Escudé, 2004).

BH feedback

There is now strong observational evidence that the energy released by the quasar can drive
powerful galaxy-scale outflows (for recent works see [Feruglio et al|2015}; (Carniani et al.
2015;|Cresci et al.[2015|and references therein). Outflowing gas at velocities up to v ~ 1400
km/s traced by [CII] emission has been detected in SDSS J1148 (Maiolino et al.,[2012) with
an estimated total mass outflow rate of 1400 + 300 M /yr that decreases with distance from
the quasar, ranging from a peak value of ~ 500 My /yr at ~ 3 kpc to < 100 Mg/yr at
~ 20 kpc (Cicone et al.} 2015)).
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In|Valiante et al.[(2012)) we show that the quasar-driven mass outflow rate predicted by
GAMETE/QSOpbusT, on the basis of a simple energy-driven wind, is in good agreement
with the observations. Here we follow a similar approach, adopting the so-called “blast
wave” model, in which the AGN radiation field can accelerate the gas generating fast su-
personic winds which propagates outwards through an expanding blast wave, pushing out
the surrounding medium (see e.g. [Cavaliere et al.|2002; King|2003|,[2005}, 20105 [Lapi et al.
2005; Menci et al.[2005, 2008; [Zubovas and King|2012| 2014; |Costa et al.[2014|and refer-
ences therein).

In this framework, the energy released by the AGN that couples with the interstellar

gas is estimated as,

EAGN = €AGN € Micerc?, (4.37)

where the coupling efficiency eagn is an adjustable free parameter. In our reference model
eagn = 1.5 x 1073 (see Table [4.2).

If the post shock material does not cool efficiently, the bubble expands adiabatically
and the outflow is energy-driven. As the blast wave propagates from the center of the halo,
it first interacts with the gas of the disk and bulge, reheating a fraction of cold gas and
transferring mass to the diffuse hot phase.

When the shock has propagated beyond the bulge and disk radius, part of the gas mass
is ejected from the galaxy, if the binding energy is not enough to hold the material.

The mass outflow rate at a given radius r can be estimated as:

2
. C .
My aGN(r) = 2 eaoN € (—) Mcer, (4.38)
ve(r)

where v, is the circular velocity of the system given by Equation (4.18)), and we evaluate
the above equation at the bulge, disk and DM halo virial radius.
A similar description is used to describe the effects of SN-driven winds. The mass

outflow rate beyond a given radius r is given by:

. 2 ESN ESN

Mw,SN(”) = W Rsn (4.39)

where Rgy is the rate of SN explosions, Esy is the average SN explosion energy, and esn =

1.6x 1073 is the SN wind efficiency (Valiante et al., 2012). The time-dependent SN rate and
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Figure 4.5. Redshift evolution of the total SFR (black line) and of Pop III stars (orange line),
averaged over the 30 realizations. Shaded areas represent 1-o dispersions and the red arrow
indicates the upper limit on the SFR inferred from the IR luminosity (see in the text for further

details).

explosion energy is computed for each galaxy along the merger tree according to formation
rate, age and initial mass function of its stellar population. A detailed description of the
chemical evolution model can be found in |Valiante et al.| (2011} 2014} and |[de Bennassuti

et al.|(2014).

4.4 Results

In this section, we present the predicted evolution of the hierarchical assembly of the SMBH
and its host galaxy. To explore the dependence of the results on the population of progen-
itors and their merger rate, for the same model parameters we have run 30 independent
merger trees. In one merger tree we find that a merger occurs at z = 6.43 between two
black holes of M| pg = 1.7 109M@ and Mgy = 1.6 X 109M@, producing a recoil velocity
~ 2 times higher than the retention speed, v.(Rgyg). The newly formed BH is displaced
from the center and it stops accreting gas. For this reason, we do not consider this to be a

viable formation route for a bright quasar like J1148, and we exclude this merger tree from
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Figure 4.6. Mass distribution of halos hosting a newly formed 100 M BH seed, averaged over the

30 realizations with 1-o error bars.
the sample average.

4.4.1 The formation of stars and BH seeds

In Figure [4.5] we show the redshift evolution of the total SFR (summed over all the pro-
genitor galaxies in each simulation) and the separate contribution of Pop III stars. We also
show the upper limit on the SFR of ~ 2000 M /yr (Table @.1)) inferred from the observed
FIR luminosity using the relation Lrr/Lo = 10.84 x 10° SFR/(My/yr)
. This relatiorﬂ is based on the assumption of starburst dominated dust heating and it
provides only an upper limit to the real SFR, due to the non-negligible contribution from
the AGN. According to a recent detailed radiative transfer analysis, the AGN can provide

up to 60% of the total FIR luminosity (Schneider et al.,[2015)), decreasing the SFR by a fac-

tor 1.4 - 2.5, in agreement with the average value of ~ 800 My/yr predicted by the reference
model.

Due to efficient metal enrichment, Pop III star formation becomes negligible below

z ~ 20 and no more BH seeds are formed, consistent with other studies (Madau and Rees|

“The conversion factor between the FIR luminosity and the SFR has been obtained assuming a 10 - 200

Myr burst of stars with solar metallicity and a Larson IMF with m., = 0.35M,, (Valiante et al.} 2014).
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2001; Haiman and Loeb|2001; Heger et al.|2003}; [Volonteri et al.|2003; Madau et al.[2004;
Valiante et al[2016. The mass distribution of DM halos which host BH seeds ranges
between ~ 3 x 10°M¢ and ~ 108M¢, with a peak at My, ~ 107 Mo, as shown in Figure [4.6]
Thus, we find that a major fraction (~ 90%, on average) of BH seeds are formed in DM
mini-halos, where gas cooling could be easily suppressed due to H, photo-dissociation by
Lyman-Werner photons. The inclusion of this additional feedback effect slows down metal
enrichment and extends BH seeds formation to lower redshifts (z > 15) and larger DM
halos (~ 5 x 107 — 10°My). While the evolution of the total BH mass and BH accretion
rate at z < 15 is only mildly affected, the birth environment of late-forming seed BHs (gas
rich Ly-a cooling halos) may be more favourable to super-Eddington accretion. Here we

do not consider the effect of H, photo-dissociation, which we defer to a future study, and

we assume that the formation rate of Pop III stars is limited only by metal enrichment.

4.4.2 BH evolution

In Figure we show the redshift evolution of the BH mass and black hole accretion rate
(BHAR) predicted by our reference model. In the top panels, the values are obtained sum-
ming over all BH progenitors present at each redshift in each simulation and then averaged
over the 30 realizations. The different lines allow to separate the contribution to the BH
mass and accretion rate achieved by means of sub-Eddington (< 16 Lgqq/ ¢?) and super-
Eddington (> 16 Lgqq/ ¢?) accretion events. By construction, the final BH mass predicted
by the reference model is ~ (3.6 + 1.6) x 10° M, in agreement with the value inferred from
observations of J1148 (see Table 1). We find that, on average, ~ 75% of the final SMBH
mass grows by means of super-Eddington gas accretion. This provides the dominant contri-
bution to the total BHAR at all but the smallest redshifts. Although the quantities shown in
all panels have been averaged over 30 merger trees, the redshift evolution of the BHAR ap-
pears to be very intermittent, a consequence of rapid depletion/replenishment of the bulge
gas reservoir out of which the BHs accrete.

To gain a better idea of the typical values of BH mass and BHAR predicted by the
refer